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✤ Direct collapse scenario 

✤ Feasibility of direct collapse scenario via high resolution 
cosmological simulations 

✤ Role of turbulence and magnetic fields during seed BH 
formations 

✤ Critical strength of UV flux and comparison of number 
density of DCBHs with observed quasar abundance  

✤ Is complete isothermal collapse really necessary?



Direct collapse scenario

  

Direct collapse scenario

●  Direct collapse of a massive 
halo of 107-108 M

☉

● key requirements

Primordial composition

quench H
2 
formation

● Fragmentation remains 
suppressed

● Provides massive seeds of 105 
-106 M

☉

● The role of turbulence remains 
unexplored Regan et al 2009

� Provides massive seed of 
105-106 M⦿ 

� Key requirement is to have large 
inflow rate of > 0.1 M⦿/yr 

� Isothermal direct collapse with 
T~ 8000 K   

� Primordial gas composition 

� Requires strong LW flux to 
quench H2 formation                                      



  

Primordial gas chemistry

➢ Ly α is an efficient coolant 

for T
vir 

>104 K halos

➢ At T<8000 K, H
2 
cooling

➢ Cools the gas to 300 K

➢ Strong Lyman Werner flux

➢ Photodissociation of H
2



� Large columns of neutral 
gas make the gas optical 
thick 

� Photon escape time 
becomes larger than free 
fall time 

� Equation of state becomes 
stiff due to the trapping of 
Lyman alpha photons                                        

4 M.A. Latif et al.

form a random walk both in space and frequency, is reduced
and ultimately photons are trapped inside the cloud. If the
photon travel time becomes larger than the free-fall time,
the radiative energy is re-deposited inside the gas and con-
sequently cooling is suppressed and the temperature of the
gas becomes ! 104 K. The formation of molecular hydrogen
will not take place as it is collisionally dissociated at tem-
peratures higher than 8000 K. Rees & Ostriker (1977) have
studied the influence of trapping radiation on collapsing gas
clouds and concluded that trapping of Lyman alpha pho-
tons can inhibit fragmentation. They also mentioned that
trapped radiation would exert pressure which is half of the
pressure required to support the cloud and will not halt the
overall collapse. Radiation pressure produced by trapping
of Lyman alpha photons can considerably constrain the ef-
ficiency of star formation (Oh & Haiman 2002).

At optical depths τ0 > 107 the photon escape time tph
becomes larger than tff . Due to the weak dependence of tph
on the number density (tph ∝ n−1/9), the photon escape
time remains longer than the free fall time (tph ∝ n−1/2)
during the collapse (Spaans & Silk 2006). The number of
photons that is trapped at line center thus increases and
the emission of Lyman alpha photons from the core tends to
zero. Consequently, trapping becomes more effective during
the collapse. The scattering of Lyman alpha photons during
the collapse can introduce extra pressure which slows down
the process of collapse. This changes the density of trapped
Lyman alpha photons and induces fluctuations in the EOS
which are not well captured in our case. A temporary soften-
ing of the EOS would favor fragmentation and our approach
therefore gives an upper limit on the effect of Lyman alpha
trapping. The minimum hydrogen column density required
for the trapping is NH = 1021cm−2.

By trapping Lyman alpha photons the polytropic index
γ increases from 1.01 to 1.50 for hydrogen number densities
of 1 to 105cm−3 (Spaans & Silk 2006). We found that high
columns in our case stiffen the EOS at lower density val-
ues than mentioned by Spaans & Silk (2006). Due to high
columns, gas becomes opaque at lower number densities
and causes more efficient trapping of Lyman alpha photons.
Therefore, we have modified Spaans & Silk (2006) criteria
for the change in polytropic index to include high column
opacity effects. Their model is based on analytical results
and does not take into account the resolution constraints.
We use the formula given below to implement the change in
the polytropic exponent of the EOS γ,

γ − 1 ≈ −

1
2
+ 7

18
Bn7/18

1

log(Cn0.5
1 ) +Bn7/18

1

, (2)

where the value of B ≈ 0.47 cm7/6, C ≈ 10−34cm3/2 and
n1 is 100 times the number density. Figure 2 illustrates the
stiffening of the EOS as a function of number density. It can
be seen from the figure that gas remains close to isother-
mal up to 10 cm−3 and at higher densities opacity effects
stiffen the value of γ well beyond unity. An increase in the
value of γ enhances temperature well above 104 K. Even
a value of γ ∼ 1 should already be sufficient to halt frag-
mentation and will lead to isothermal collapse. Cooling due
to helium becomes important at temperatures higher than
5.0 ×104 K. Above 103cm−3 opacity effects due to thermal
bremsstrahlung trapping come into play and cooling con-
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Figure 2. Variation of gamma with density. The change in poly-
tropic index (γ−1) is plotted as a function of the number density
(cm−3) of the gas. The figure shows the stiffening of the EOS by
trapping Lyman alpha photons.

tinues to be suppressed. A value of γ ! 4/3 leads to an
adiabatic collapse. Helium opacity effects can be included
by making corrections to equation 2. Details can be found
in Spaans & Silk (2006).

4 RESULTS

Our simulations show that density perturbations decouple
from the Hubble flow and start to collapse through gravi-
tational instability. The fate of these perturbations depends
on the cooling and dynamical time scales. At low densities
cooling is very inefficient. We see in our simulations that ini-
tially the gas is shock heated at low densities (" 10−1cm−3).
Virialization processes transform gravitational potential en-
ergy into kinetic energy of the gas and dark matter. As
dark matter cannot dissipate, for gas this energy is con-
verted into internal energy through shocks which raises the
temperature of the gas to the virial temperature. We start
with an adiabatic equation of state as perturbations in the
inter-galactic medium are adiabatic in nature. According to
linear perturbation theory, the EOS should show a power-
law behavior in the low density regime (Hui & Gnedin 1997;
Springel & Hernquist 2002), given by the equation

T = T0(ρ/ρ0)
γ−1 (3)

where T0 and ρ0 are the cosmic mean density and temper-
ature. Our results agree with this analytical temperature
density relation for the intergalactic medium.

At redshift 15, gas begins to cool and collapses in the
gravitational potential provided by the dark matter. At den-
sities of the order of 104 times the mean density of the Uni-
verse cooling due to atomic lines (hydrogen and helium)
becomes very efficient and gas becomes isothermal with a
value of gamma of unity. Gas continues to collapse if the
cooling time is smaller than the dynamical time. We have
investigated the dynamic and thermal evolution of primor-
dial gas which is cooled or heated and collapses under differ-
ent post-shock heating mechanisms. In the next subsections
the results are discussed for each case individually. We use
the isovolume connected components finding algorithm im-

Lyman Alpha Trapping

Spaans & Silk 2006, Latif et al. 2011

  

Equation of state & Fragmentation

Li et al +03



Thermal evolution

The Impact of Lyman alpha Trapping on the Formation of Primordial Objects 9

Figure 15. The figure represents a higher density peak halo for the Lyman alpha trapping case. The upper left panel shows the density
slice through the center of a halo. The temperature slice corresponding to density slice is depicted in the upper right panel. The bottom
left panel shows the phase diagram. The flow of gas is seen in the bottom right panel. Values corresponding to colors are shown in the
color bars. Distance scales are in comoving units. Here 1kpc in comoving units corresponds to 53 pc in proper units.

collapse, cooling may proceed through other atomic states
in the presence of Lyman alpha trapping. It can soften the
EOS to unity and lead to disk formation, which may or may
not fragment to form a top-heavy stellar initial mass func-
tion. We have explored the important phase of Lyman al-
pha trapped halos. Cosmological simulations should be per-
formed to examine the effect of other cooling channels like
2s-1s and 3-2 transitions in halos that are optically thick to
Lyman alpha photons.

For the atomic cooling case, we find that the halo col-
lapses into one or two massive clumps. As long as H2 cooling
is suppressed, gas collapses isothermally and remains hot
having temperature around 8000 K. Further fragmentation
is unlikely. Therefore, such halos are plausible candidates
for the formation of intermediate mass black holes or su-
permassive stars as an intermediate stage. The formation of
molecular hydrogen does not take place if internal or exter-
nal UV radiation from the star forming halo can suppress
H2 formation (Shang et al. 2010; Dijkstra et al. 2008). At
densities > 108cm−3 molecular hydrogen may form due to
3-body reactions (Palla et al. 1983) in the absence of intense
UV flux and may induce fragmentation. The further fate of

these objects should be explored through cosmological sim-
ulations by including detailed physics.

We have also performed simulations by selecting a high
density peak halo. We noticed that in the higher density
peak halo the free-fall time becomes shorter and a halo col-
lapses about redshift 25. We followed the collapse down to
redshift 18 and compared the results of atomic line cooling
with Lyman alpha trapping case. We find that the Lyman
alpha trapped halo does not fragment irrespective of the
high or low density peak in contrast to the atomic cooling
case. Trapping of Lyman alpha photons keeps the gas hot
(T! 104K) and contraction of a halo is halted. The Jeans
mass becomes higher and it does not fragment. The size of
the fragment is larger than the atomic cooling case. The
mass in a higher density peak halo is 5× 107M⊙. The mass
of the object is not much higher than the atomic cooling case
because more gas falls into the halo due to efficient atomic
cooling and condenses. The density, temperature, phase di-
agram and velocity vectors for a higher density peak halo
are shown in figure 15.

For the atomic cooling case, morphology and thermody-
namical properties of the clumps are similar in both higher
and lower density peak halos. The density, temperature,

10 M.A. Latif et al.

Figure 16. The figure represents a higher density peak halo for the atomic cooling case. The upper left panel shows the density slice
through the center of a halo. The temperature slice corresponding to the density slice is depicted in the upper right panel. The bottom
left panel shows the phase diagram. The flow of gas is seen in bottom right panel. Values corresponding to colors are shown in the color
bars. Distance scales are in comoving units. Here 1kpc in comoving units corresponds to 53 pc in proper units.

Figure 17. Density slices of the inner 2 kpc region (zoomed) of the figures 16 (upper left panel) and figure 15 (upper left panel). The
left panel shows the density slice for the atomic cooling case. The right panel shows the density slice for the Lyman alpha case. Contours
are overplotted to show the density structure. Distance scales are in comoving units. Here 1kpc in comoving units corresponds to 53 pc
in proper units.

Lyman alpha trapping

Schleicher et al. 2010,Latif et al. 2011



Lyman alpha Trapping
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Figure 16. The figure represents a higher density peak halo for the atomic cooling case. The upper left panel shows the density slice
through the center of a halo. The temperature slice corresponding to the density slice is depicted in the upper right panel. The bottom
left panel shows the phase diagram. The flow of gas is seen in bottom right panel. Values corresponding to colors are shown in the color
bars. Distance scales are in comoving units. Here 1kpc in comoving units corresponds to 53 pc in proper units.

Figure 17. Density slices of the inner 2 kpc region (zoomed) of the figures 16 (upper left panel) and figure 15 (upper left panel). The
left panel shows the density slice for the atomic cooling case. The right panel shows the density slice for the Lyman alpha case. Contours
are overplotted to show the density structure. Distance scales are in comoving units. Here 1kpc in comoving units corresponds to 53 pc
in proper units.

Latif et al. 2011

Lyman alpha trappingIsothermal case



  

Simulation Setup

➢ Comoving period box of 1 Mpc/h in size

➢ Cosmological Initial conditions at z=100

➢ 6 Million MD particles 

➢ Two nested grids + 27 refinement levels

➢ Halo masses of  ~ 107 M⨀

➢ UV flux of various strengths                                               
in units of J21

➢ X-rays

➢ First high resolution studies to explore                          
the formation of  seed BHs

➢ Perform Cosmological simulations using AMR code 
ENZO

Simulation setup



Successes of 
Isothermal DC

Latif et al 2013 MNRAS 433 1607L

Global properties of simulated halos

  

Global Properties of Halos

Latif et al 2013 MNRAS 433.1607L



Latif et al 2013 MNRAS 433 1607L

Movie shows the collapse of central 1 pc 



Movie shows the collapse of central 1 pc 
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�Collapse occurs isothermally with T~ 8000 K       
�Provides large inflow rates of ~1M⦿/yr Latif et al. 2013 MNRAS 433 1607L

  

State of Simulations

● Self-gravitating 
accretion disks 
are formed

● They have typical 
masses of few 
hundred solar

● SGS turbulence 
helps in 
suppressing the 
fragmentation

Latif et al 2013 MNRAS 
433.1607L

State of simulations

  

State of simulations at 4 t
ff

Latif  et al 2013  MNRAS 433,1607L   



Impact of H- cooling
C. Van Borm et al.: Effects of turbulence and rotation on protostar formation as a precursor of massive black holes
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Fig. 2. Physical quantities, weighted by mass, spherically averaged and radially binned, as a function of radius at the peak density output for
the different simulations. A: number density; B: temperature; C: H2 number fraction; D: electron number fraction; E: turbulent velocity; F: radial
velocity, plotted as −vrad; G: enclosed mass, and the Jeans mass for T40R10 (it is very similar for other runs); H: radial mass infall rate, calculated
from the density and the radial velocity. The simulation details and abbreviations are listed in Table 1.

The temperature evolution of the gas cloud (shown in panel B
of Fig. 2) is very similar in all simulations. In the final stage
displayed in the plots, the outer layers of the cloud are at
a temperature of ∼8000K. Further inwards, the temperature

evolves nearly isothermally, though still gradually drops to about
4000K, until reaching a radius of about 3 × 10−6 pc. Inside
this radius, the evolution proceeds nearly adiabatically and the
temperature reaches ∼7 × 104 K by the time the peak density is
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C. Van Borm et al.: Effects of turbulence and rotation on protostar formation as a precursor of massive black holes

As is known from present-day star formation, turbulence
plays an important role in angular momentum transport and de-
termining the fragmentation properties of collapsing gas clouds,
since it can both locally compress the gas as well as pro-
vide additional support against collapse on larger scales (e.g.
Larson 1981; Mac Low & Klessen 2004; McKee & Ostriker
2007; Federrath & Klessen 2012). Similar effects have been
found at high redshifts in simulations of minihaloes, where
turbulence plays a role in distributing angular momentum
(Abel et al. 2002), and affects the fragmentation behaviour
(Clark et al. 2011a; Turk et al. 2012; Latif et al. 2013c). Also
in simulations of more massive, atomic cooling haloes, the im-
portance of turbulence has been recognized (Greif et al. 2008;
Wise et al. 2008). However, many of these older studies do not
employ a sufficient Jeans resolution, as its impact was only rec-
ognized later. Latif et al. (2013b) found that the amount of turbu-
lent structure increases significantly with increasing resolution,
and in the study by Latif et al. (2013a) it was found that frag-
mentation occurs occasionally, but that this does not prevent the
growth of a central massive object resulting from turbulent ac-
cretion and mergers.

Numerical simulations of collapsing gas in minihaloes show
that fragmentation also depends on the amount of rotation, with
stronger rotation inducing more fragmentation (Bromm et al.
2002; Machida 2008; Hocuk & Spaans 2010). The study by
Clark et al. (2008) shows that massive disk-like structures are
assembled, fragmenting to form protostars. In atomic cooling
haloes the effects of rotation have not yet been studied in detail,
though Bromm & Loeb (2003) found that a single black hole is
formed in low-spin galaxies, while higher spin galaxies tend to
form binary black holes. In their simulations of atomic cool-
ing haloes, Regan & Haehnelt (2009b) observed the formation
of massive compact self-gravitating disks, and found mild frag-
mentation in one of the three simulated haloes.

In this paper we present the first study in which the formation
of a massive protostar is simulated in 3D up to unprecedented
high central densities (1021 cm−3), owing to improvedmodelling
of the chemistry. A high spatial resolution is obtained as well;
starting from pc scales, we are able to resolve scales down to a
few solar radii. In addition, we investigate how the fragmenta-
tion behaviour of collapsing primordial gas in the presence of a
strong Lyman-Werner radiation background is affected by vary-
ing amounts of turbulence and rotation. For each case the for-
mation of clumps and their accretion rates are studied.

In Sect. 2 some details are given on the methods and setup of
the numerical simulations that have been performed. In Sect. 3
the results for both the one-zone calculations and the 3D sim-
ulations are presented and discussed, and we conclude with a
summary of the results in Sect. 4.

2. Numerical Methodology and Simulation Setup
ENZO is an open-source adaptive mesh refinement (AMR) sim-
ulation code, which provides high spatial and temporal resolu-
tion for the modelling of astrophysical fluid flows (Bryan et al.
2014). It contains a wide variety of physics modules, making
it suitable for many different astrophysical applications. We use
a modified version of ENZO 2.3, replacing the chemistry im-
plementation by a customized build of the KROME chemistry
package (Grassi et al. 2014), as discussed in the following sub-
sections. The hydrodynamical equations are solved using the
MUSCL scheme, which is a second-order accurate extension of
Godunov’s method. The implementation in Enzo uses second-
order Runge-Kutta time integration, and the Riemann solver em-

ployed is the HLLC solver (Harten-Lax-van Leer with Contact),
with a fallback to the more diffusive HLL solver (Harten-Lax-
van Leer) in case negative energies or densities are computed.
The choice of this solver is due to the strong shocks which occur
once the central core becomes adiabatic and the central proto-
stars forms. Self-gravity is computed by solving the Poisson
equation using a multigrid technique.

2.1. Initial conditions

We follow the gravitational collapse of an isolated spherical gas
cloud with a radius of 15 pc and a top-hat density profile, em-
bedded in a 100 pc simulation box. The Jeans length is resolved
by at least 64 cells at all times. Additionally, a refinement crite-
rion based on overdensity is used. These combined criteria re-
sult in the simulations using 29 refinement levels, at which point
an adiabatic core is formed and no further refinement is nec-
essary. The collapse is followed for another 1.67 × 10−2 years,
corresponding to ∼5 freefall times, after the highest refinement
level is reached. To ensure pressure equilibrium between the
sphere and its surroundings, we set the initial sphere density to
1000cm−3 and its temperature to 500K, while the surrounding
gas is initialized with a density of 100 cm−3 and a temperature of
5000K. The above combination of parameters also ensures that
the mass of the cloud (∼3.5 × 105 M⊙) is greater than the local
Jeans mass (∼3 × 104 M⊙), and thus the cloud will collapse. The
total mass contained in the box is ∼2.8 × 106 M⊙. This setup has
been chosen in order to be able to explore the formation of pro-
tostars up to very high densities. The cloud is irradiated by a UV
background with a T5 spectrum (see 2.2.7) of intensity 105 in
units of J21, so that the abundance of H2 is kept low and cooling
will occur mainly through atomic hydrogen.

Furthermore, we add a certain amount of initial turbulence
to the gas, as well as some rotation of the cloud. These param-
eters are varied to study and quantify their effects on the col-
lapse dynamics and fragmentation properties. An overview of
the different simulations can be found in Table 1. The turbu-
lent velocities are sampled from a Maxwellian distribution with
a temperature equal to the initial temperature of the gas sphere,
and subsequently multiplied by the percentage given in the ta-
ble. Since the maximum of the Maxwell distribution function is
of the order of the sound speed cs, the turbulent velocities are of
the order of a given percentage of cs. The amount of rotation is
given in percentage of the Keplerian velocity; i.e. 100% rotation
means the cloud is rotationally supported.

Table 1. Overview of the different simulations and their initial turbulent
and rotational velocities.

Simulations
Name Turbulence (∼% of cs) Rotation (% of vKep)
T40R0 40 % 0 %
T40R10 40 % 10 %
T40R20 40 % 20 %
T20R10 20 % 10 %
T80R10 80 % 10 %

Notes. Turbulent velocities are sampled from a Maxwellian distribu-
tion where the temperature is the initial temperature of the gas sphere,
and subsequently multiplied by the percentage given in the table. The
amount of rotation is given in percentage of the Keplerian velocity.

Article number, page 3 of 18
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Fig. 3. Density projections along the x-axis for all simulations, showing the integrated number density for various scales at the peak density
output.The simulation details and abbreviations are listed in Table 1.

reached. This behaviour is expected based on the one-zone cal-
culations, and for a more detailed description of the involved
processes, see Sect. 3.1.

The molecular hydrogen number fraction (shown in panel C)
exhibits some variation between simulations at larger radii, but
converges for small radii, with only the T40R0 case deviating
slightly from the others. At large radii, corresponding to low
densities, the fraction slowly decreases as H2 is dissociated by
the UV background. Next, a steep increase occurs at the radius
corresponding to a density of 1010 cm−3, due to 3-body forma-
tion becoming efficient, after which formation and dissociation
approximately balance each other for a broad density range. For
the highest densities, where the gas is heating up, collisional dis-

sociation starts to dominate and the fraction drops drastically.
The H2 number fraction never gets much larger than 10

−3, in
agreement with the one-zone test, which means that there is
never enough H2 for molecular cooling to be important.

The overall evolution of the electron number fraction (shown
in panel D) is again quite similar to what is expected from one-
zone calculations. The T80R10 case deviates slightly from the
others, in that the electron fraction starts to increase already at
somewhat larger radii. This is again due to some mass buildup
around that radius, reaching slightly higher temperatures than
the surroundingmatter. The T20R10 case deviates quite strongly
around the radius where for the other simulations the minimum
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Fig. 7. Physical quantities, weighted by mass, disk averaged and radially binned, as a function of radius at the peak density output for the
different simulations. A: Toomre Q parameter; B: ratio of the rotational to the Keplerian velocity; C: sound speed; D: turbulent velocity; E:
rotational frequency; F: surface density. The simulation details and abbreviations are listed in Table 1.

Jeans mass. This clump marks the onset of protostar forma-
tion. Given the observed accretion rates of a few solar masses
per year, the protostar is expected to become a quasistar with
a mass of 105 M⊙ within 105 years, assuming a high accretion
rate can be maintained. Ferrara et al. (2014) have derived a de-
tailed prediction for the initial mass function (IMF) of the first
massive black holes formed in atomic cooling haloes, combin-
ing the physics of SMS evolution and direct collapse black hole
formation and growth with cosmological merger-tree simula-
tions. They have found that in the case that minihaloes can
form stars and pollute the gas, the IMF is bimodal and spans
a broad mass range, M ≈ (0.5 − 20) × 105 M⊙; while in the case
that they cannot form stars, the IMF spans a narrower range,
M ≈ (1 − 2.8) × 106 M⊙. However, they predominantly consider
larger scales (several kpc) on a longer-term evolution than the
study presented in this paper, as their focus is on modelling the
dynamics of halo mergers and the implications for accretion.

In a single run presented in this study (T20R10), the gas frag-
ments into three clumps instead of one. From comparison runs
with the same initial conditions and a different random seed for
the realization of the turbulent velocity field, we have concluded
that this fragmentation does not depend on the initial amount of
rotation or turbulence, as usually one, sometimes two, and in
a single case three clumps are found, though never more than
three. Thus, we do not find much fragmentation, irrespective
of turbulence or rotation. It is not clear whether the additional
clumpswill continue to collapse, or instead accrete onto the main
clump, though based on a simplified model of fragmentation in
the accretion disk around a protostar, Inayoshi & Haiman (2014)
argue that most of these clumps can migrate inward and merge
with the central protostar. The simulations have been evolved
for another ∼1.67 × 10−2 years (∼5 freefall times) after the high-
est refinement level was reached. As no fragmentation occurs in
most of our simulations during this time, it can be considered as
a lower limit on the fragmentation time scale. To quantify the
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Masses of protostars

✦ Employed sink particles to follow 
the evolution for 20,000 yrs 

✦ Massive protostars of about 105 

M⦿ are formed
  

Typical mass scale of DCBHs 

Latif et al 2013  MNRAS 436 2989L 

● SGS turbulence favors high accretion rates

● DCBHs are 105 M
sun Latif et al. 2013 MNRAS 436 2989L

  

Typical mass scale of DCBHs 

● Employed sink 
particles

● Followed accretion 
for 104 yrs

● Three distinct halos

of few 106 M
☉

● Supermassive stars 
of 2x105 M

☉

Latif et al 2013 MNRAS 436 2989L 

Begelman et al. 2006, Volonteri 2010



What about Magnetic fields? 
Are they important in BH formation? 



Magnetic field Amplification Magnetic field Amplification Small scale dynamo

Image credit: Schober et al. 2012 



Magnetic field Amplification  

  

Amplification of Magnetic fields

Latif et al 2013 b

J16

J32

J64

● Better resolved 
turbulence at higher 
Jeans resolution.

● Small scale dynamo 
efficiently amplifies 
the magnetic  fields.
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Magnetic field Amplification 

  

Amplification of Magnetic fields

Latif et al 2013 b

J16

J32

J64

● Better resolved 
turbulence at higher 
Jeans resolution.

● Small scale dynamo 
efficiently amplifies 
the magnetic  fields.

Latif et al. 2013 MNRAS 433 668L



Impact of Magnetic fields on Fragmentation

  

Magnetic Fields during the 
formation of SMBHs

Latif et al in prep

J16

J32

J64

Latif et al. 2014 MNRAS 440 1551L



Role of viscous heating without central source

  

Impact of shear and compression

Latif et al 2013 submitted 
Arxiv:1310.3680

J32

J64

Shear     Compression

Compression

see Schmidt+13

Shear



Impact of Magnetic fields on Fragmentation

  

Magnetic Fields during the 
formation of SMBHs

Latif et al 2013 submitted 
Arxiv:1310.3680

J16

J32

J64

Latif et al. 2014 MNRAS 440 1551L



  

Magnetic Fields during the 
formation of SMBHs

Latif et al in prep
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J64



What is the critical value of  
Lyman Werner Flux? 

H2

H

H

LW



Dependence of Jcrit on radiation spectra 

  

Radiation Spectra & H
2 
Dissociation 



Dependence of Jcrit on halo properties 
Black hole formation in the early universe 7

Figure 5. Spherically averaged and radially binned profiles of temperature, density, H2 and e− fractions computed for the peak density
in the simulations are plotted for Trad = 2.0 × 104 K. The top panels represent halos A & B (left to right) and the bottom panel halo C.
Each line style depicts the value of J21 as mentioned in the legend. The collapse redshifts of these halos are listed in table 2

.

Figure 6. Time evolution of spherically averaged and radially binned profiles of temperature, density, H2 and e− fractions is shown for
the halo A and Trad = 2.0 × 104 K. Each line style represents a different redshift as shown in the legend. The left panel shows the H2
cooling case and the right panel depicts atomic cooling case.

3.5 Impact of X-ray ionization

We investigated the impact of X-ray ionization on three dif-
ferent halos already exposed to a strong UV flux. To achieve
this goal, we selected the UV fluxes above the critical value
to see the potential influence of X-ray ionization in enhanc-
ing Jcrit21 for a fixed radiation temperature of Trad = 2× 104 K.

An X-ray background flux of strengths JX,21 = 0.01 & 0.1 was
turned on at redshift 30. In figure 7, we show the profiles
of density, temperature, the H2 and e− fractions. They are
very similar to the isothermal cases except for halo A. The
value of Jcrit21 is elevated by a factor of two for halo A from
2× 104 to 4× 104 for JX,21 = 0.1 while for the other two halos
the impact of X-ray ionization is negligible and Jcrit21 remains

c⃝ 2009 RAS, MNRAS 000, 1–??
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3.5 Impact of X-ray ionization

We investigated the impact of X-ray ionization on three dif-
ferent halos already exposed to a strong UV flux. To achieve
this goal, we selected the UV fluxes above the critical value
to see the potential influence of X-ray ionization in enhanc-
ing Jcrit21 for a fixed radiation temperature of Trad = 2× 104 K.

An X-ray background flux of strengths JX,21 = 0.01 & 0.1 was
turned on at redshift 30. In figure 7, we show the profiles
of density, temperature, the H2 and e− fractions. They are
very similar to the isothermal cases except for halo A. The
value of Jcrit21 is elevated by a factor of two for halo A from
2× 104 to 4× 104 for JX,21 = 0.1 while for the other two halos
the impact of X-ray ionization is negligible and Jcrit21 remains

c⃝ 2009 RAS, MNRAS 000, 1–??



Black hole formation in the early universe 9

Figure 8. The phase plots (temperature verses density) of the halo A for Trad = 2× 104 K and various value of JX,21. The top two panels
represent JX,21 = 0.01 & JX,21 = 0.1 while the bottom two panels represent JX,21 = 1 & JX,21 = 10 from left to right, respectively.

where SFR is the star formation rate. For a given SFR and
distance from the source, the X-ray flux can be computed
as (Inayoshi & Omukai 2011b):

JX,21 = 4.5 × 10−3
(

d
10 kpc

)−2 ( S FR
20 M⊙yr−1

)

(7)

This empirical relation suggests that for SFRs of 20-100
M⊙ yr−1, the X-ray flux at a distance of 10 kpc from the
source varies from a few times 10−3 − 10−2 in units of JX,21.
In the case of a nearby accreting supermassive black hole of
109 M⊙, the X-ray luminosity is about 1044 erg s−1 for a peak
emission around 2 keV. This yields an X-ray flux of strength
JX,21 = 3 at a distance of 10 kpc. These estimates suggest that
the values of the X-ray background investigated here are a
few orders of magnitude larger than the CXB. However, the

cases investigated here may occur in the vicinity of a super-
massive black hole which would therefore tend to suppress
the formation of additional nearby black holes.

Recently, Hummel et al. (2014) have investigated the
impact of only X-ray feedback (no UV flux) on a minihalo
of 105 M⊙ at z = 25 and found that X-ray feedback has a
dual effect. X-ray heating is dominant at low densities, i.e.
< 1 cm−3 and the cooling ability of the gas gets enhanced
above 102 cm−3 due to the higher degree of ionization. They
found that X-ray feedback has a so-called Goldilocks range
of the X-ray background for which it promotes star forma-
tion while for the higher strengths it suppresses the collapse.
This Goldilocks range of CXB starts around JX,21 = 0.1 and
complete blowout occurs for JX,21 = 10 where it completely
suppresses the collapse of a minihalo.

c⃝ 2009 RAS, MNRAS 000, 1–??

Impact of X-ray heating on Jcrit



Estimates of Jcrit from 3D simulations

  

Realistic Pop II Spectra

Latif et al 2014
ArXiv:1408.3061L

Latif et al. MNRAS 2015 446 3136, Also see Hartwig et al. 2015



 Number density of DCBHs
Conditions for DCBH formation 2041

Figure 4. Predicted redshift evolution of the comoving number density of putative DCBH formation sites, nDCBH(z), for six different models, each represented
by one type of data point (see the text and Table 2 for details). For most models nDCBH gently decreases with redshift. This figure shows that the predicted
nDCBH(z) at a given z depend especially strongly on (i) the escape fraction of LW photons, (ii) Jcrit, and (iii) the presence of winds.

close separations of dark matter haloes. As stated previously, we
assume that mmin = 4 × 107([1 + z]/11)−3/2 M⊙. It is worth stress-
ing that the outflows sterilize putative DCBH formation sites in
dark matter haloes well above this mass scale (see Fig. 2). Apart
from raising the global background, lower mass haloes would not
contribute to the abundance of potential DCBH formation sites in
the presence of outflows.

We use a Monte Carlo procedure to generate a large number of
random realizations of the spatial distribution of dark matter haloes
surrounding the gas cloud of interest. For each realization, we assign
LW luminosities to the field dark matter haloes using equation (8),
and compute the total LW flux illuminating the target halo from

JLW =
Nm∑

i=1

Nr∑

j=1

N(mi ,rj )∑

k=1

⟨J 1s
LW(rj , Mi, tff )⟩![rj − rs(mi)]

×BLW(Rk,1)![Rk,2 − (1 − ϵDC)], (13)

where !(x) is the Heaviside step function [!(x) = 0 for x ≤ 0,
!(x) = 1 for x > 0]. The Heaviside function in the first line ensures
that we do not include haloes which lie inside the radius of pollution
by the neighbouring halo/galaxy (i.e. r > rs, where rs is given by
equation (4)). The sum over k reflects the fact that any given mass–
radius bin may contain N (mi, rj ) ≡ 4πr2

j drj
dnST
dM

dmi > 1 haloes.
The Heaviside function in the second line accounts for the finite
‘duty cycle’ of the dark matter haloes in our models. The factor
BLW(Rk,1) ≡ dex(σLW

√
2erf−1[2Rk,1 − 1]) accounts for the lognor-

mal fluctuations in the LW luminosity of single dark matter haloes,
where the Rk variables denote random numbers between 0 and 1
(see D08).

Equation (13) gives the LW flux that is seen by a collapsing
cloud in a single Monte Carlo realization. We repeat the Monte
Carlo calculation Nmc times in order to derive an accurate PDF of
JLW. We are specifically interested in the probability

P (JLW > Jcrit) = Nmc(JLW > Jcrit)
Nmc

, (14)

where Nmc(JLW > Jcrit) denotes the number of Monte Carlo simula-
tions in which we found JLW > Jcrit. In cases we need to compute the
low-probability tail of the LW-flux PDF, we need many (potentially
as large as Nmc ≫ 107) Monte Carlo runs to sample the full PDF.
Fortunately, the high-flux tail of the PDF is dominated by single
nearby sources, and can be computed analytically (see D08). We
discuss these analytic calculations in the appendix.

4 D C B H FO R M AT I O N P RO BA B I L I T Y

We compute the number density of putative DCBH host haloes,
nDCBH(z), as

nDCBH(z) =
∫ Mmax

Mmin

dnST(z)
dM

P (JLW > Jcrit|z)Pgen(M, z)dM, (15)

where P(JLW > Jcrit|z) is given by equation (14), and Pgen(M, z) is
described in Section 2.2. We approximate this expression as

nDCBH(z) ≈ n(M > M4[z])P (JLW > Jcrit|z)Pgen(M4[z], z). (16)

Here, M4(z) denotes the halo mass at which Tvir = 104 K. We inte-
grate over the (redshift dependent) dark matter halo mass function
to compute n(M > M4[z]). We point out that the redshift dependence
of P(JLW > Jcrit|z) is embedded in the halo mass function evolution,
the mass-dependent radius of the enriched bubbles [equation (5); we
evaluate this expression at tff(z)], the relation between halo mass and
LW luminosity [equation (7); evaluated at tff(z)], and the two-point
correlation function12 ξ (M4, M, r, z).

Fig. 4 shows the predicted nDCBH(z) at z = 10, 12, 14, . . . for six
different models, which are described in Table 2. In each model, we

12 We have approximated the redshift dependence of ξ by simply rescaling
the two-point function computed at z = 10 with the linear growth factor
D+(z) as

ξ (z) = ξ (z = 10)
[

D+(z)
D+(z = 10)

]2

. (17)

MNRAS 442, 2036–2047 (2014)

Dijkstra et al 2014 MNRAS 442 2036

For Jcrit>10000

see talk by Melanie Habouzit



What if there is trace amount of H2

✤ Massive stars up to 1000 M⦿ 
can be formed in minihalos 
(Hirano et al 2014, Latif & 
Schleicher 2015) 

✤ LW flux helps in suppressing 
H2 formation and keeps the 
gas warm with 8000 K down to 
~ pc scales 

✤ Key requirement for the 
formation of supermassive  
star is mass inflow rate of 
0.1 M⦿ /yr

Latif & Volonteri 2015  
Arxiv:1504.00263



Latif & Volonteri 2015 Arxiv:1504.00263



Density structure in the halo

Latif & Volonteri 2015 Arxiv:1504.00263

Black hole formation in the early universe 19

Figure 14. Average density (top panels) and temperature (bottom panels) weighted by the gas density along the y-axis for Halo C.
They are plotted for the BUV of strengths J21 =100, 500 & 1000 and show the central 10 pc region of the halo when the simulation
reaches the maximum refinement level prior to the formation of a sink particle.

Figure 15. The time evolution of the density averaged along the y-axis is shown in the central 10 pc of the halo A for J21=1000 after
the formation of the sink particle. The time after the formation of the sink particle in each panel is shown in years and the white dot
depicts the position of the sink particle.

c⃝ 0000 RAS, MNRAS 000, 000–000



Sink Masses & accretion ratesBlack hole formation in the early universe 21

Figure 17. The masses of the sink particles and their mass ac-
cretion rate are shown against time for halo A. The strength of
incident field is shown by different colors and line styles as de-
scribed in the legend.
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What if fragmentation occurs at smaller scales

� Analytical model for disk 
fragmentation 

� Assumptions:                                                               
Steady state condition                 
Marginally stable (Q=1) 
Embedded in large inflow 
rates of 0.1 M⦿/yr 

� Solve for Thermal 
balance  

� Viscous Heating 

Latif & Schleicher 2015 Arxiv:1411:5902, published in A&A

Latif & Schleicher: Black hole formation in high redshift protogalaxies

In the case of Keplarian rotation, ΩK =

√

GM∗
R3

. As realis-

tic disks are at least partially supported also via turbulent
and thermal pressure, we assume here that the rotation is
not entirely Keplerian, but adopt an efficiency parameter
ϵK = Ω/ΩK ∼ 0.5 which describes the deviations of the an-
gular velocity Ω from the Keplerian rotation. Using such a
rotational profile, the viscous heating rate can be evaluated
as

Q+ =
9
4
νΣΩ2. (5)

It may also be noted that similar expressions for the
viscous heating rate are given by Pringle (1981) and
Balbus & Hawley (1998).1 The cooling rate per surface area
of the disk can be computed as follows:

Q− = 2HΛH/H2 . (6)

Here ΛH/H2 is the atomic or molecular cooling rate in units
of erg/cm3/s and H is the height of the disk. To compute
the viscosity of the disk, we adopt the standard formalism
given by Shakura & Sunyaev (1973) as

ν = αcsH, (7)

where α is the viscous parameter and is calculated by com-
bining equations 1, 2, 3 and 7 as

α =
ṀtotG
3c3s
. (8)

Solving the thermal balance equation (i.e., Q+ = Q−)
with respect to Ω in the case of molecular cooling, we get
the following expression:

Ω
2
=
24πcs
9Ṁtot

(8 × 109)0.45
√

4πmpG
ΛH2 (9)

For the densities given in the disk (> 108cm−3), we
use the optically thick H2 line cooling by employing

the opacity factor min
[

1,
(

nH2/(8 × 109 cm−3)
)−0.45]

given by

Ripamonti & Abel (2004). We use the high density limit
for H2 cooling given by Galli & Palla (1998) adopted from
Hollenbach & McKee (1979). We further assume that the
transition from the molecular to the atomic cooling regime
occurs once the gas temperature reaches a value of ≥
4000 K. For atomic cooling regime, solving the thermal bal-
ance equation yields the following relation:

Ω
2
=
3Ṁtot(2πGmp)2.5

8πcs
f (T )ΛH (10)

where f (T ) is given as (Omukai 2001; Inayoshi & Haiman
2014)

f (T ) = 5.0 × 10−11T 1.2exp
(

−1.27 × 105

2T

)

. (11)

1 We note that there is a factor of two difference between the
expressions given by Pringle (1981) and Lodato (2007) which
comes from the fact whether one considers one side of the disk
or both sides. We do not distinguish here between both sides
of the disk and therefore use the expression given by Lodato
(2007).

Here ΛH is the atomic cooling function. We use the ex-
pression given in the appendix B of Anninos et al. (1997)
originally computed by Cen (1992) to take into account the
cooling due to the collisional excitation of hydrogen atoms
(known as atomic line cooling). We have checked using a
one-zone model that the latter indeed yields the dominant
contribution in this regime (Grassi et al. 2014). We note
that the differences between Eqs. (9) and (10) arise due
to the multiplication with the species abundances, as well
as the correction factor due to the optical depth. As we are
considering a case with a large inflow rate onto the disk, the
central star will form and grow via rapid accretion, and the
central star will also dominate the gravitational potential
at least on the scales considered here. The surface density
of the disk can be computed as

Σ =
cs
πG

√

GM∗
R3
, (12)

and density inside the disk is

n =
Σ

4πmpcs

√

GM∗
R3
. (13)

We estimate the initial masses of the clumps as

Mc,i = ΣH2. (14)

These clumps can grow via accretion and we compute the
maximum clump mass, the so-called the gap-opening mass,
by using the relation given in Levin (2007):

Mc = Mc,i

[

12π
α

0.3

]1/2 ( R
H

)1/2
. (15)

The mass accretion rate onto the clumps (Ṁc) is estimated
as:

Ṁc =
3
2
ΣΩ (RH)2 , (16)

where RH is the Hill radius given as

RH = R (Mc/30M∗)1/3 . (17)

M∗ is the mass of the central star. The Kelvin-Helmholtz
(KH) contraction time scale is estimated as :

tKH =
Mc

Ṁc
∼ 104

(

Mc

30M⊙

) [

Ṁc

3 × 10−3M⊙yr−1

]−1

yr. (18)

The Kelvin-Helmholtz (KH) contraction time scale given
above is equivalent to the mass accretion time scale and is
valid in the presence of high accretion rates (0.1 M⊙/yr),
which remain in the stage of adiabatic evolution as long
as the accretion rate is high. In the case of accretion rates
below 10−2 M⊙/yr, we compute the KH timescale using the
following expression (Hosokawa et al. 2012):

tKH =
GM2

∗

R∗L∗
, (19)

where M∗ is the mass, R∗ is the radius and L∗ is the lumi-
nosity of the protostar. We use Eq. (4) of Hosokawa et al.
(2012) to compute the luminosity and their Fig. 5 to esti-
mate the radius of the star. The clumps formed inside the
disk will migrate inward provided that the migration time
scale is shorter than the time for the clumps to contract
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as:
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which remain in the stage of adiabatic evolution as long
as the accretion rate is high. In the case of accretion rates
below 10−2 M⊙/yr, we compute the KH timescale using the
following expression (Hosokawa et al. 2012):

tKH =
GM2

∗
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, (19)

where M∗ is the mass, R∗ is the radius and L∗ is the lumi-
nosity of the protostar. We use Eq. (4) of Hosokawa et al.
(2012) to compute the luminosity and their Fig. 5 to esti-
mate the radius of the star. The clumps formed inside the
disk will migrate inward provided that the migration time
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Disk properties for central star of 10 M�

Latif & Schleicher 2015 Arxiv:1411:5902, to be published in A&A

Latif & Schleicher: Black hole formation in high redshift protogalaxies

Fig. 1. The disk properties for the central star of 10 M⊙. The temperature, the surface density, the viscous parameter
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Fig. 2. The disk properties for the central star of 10 M⊙. The migration, the Kelvin-Helmholtz, the orbital and the
viscous time scales as well as the accretion rates onto the clumps are shown here. The left panel shows the atomic while
the right panel depicts the H2 cooling regime.
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Fig. 2. Results for the generic disk models with central
source and an initially molecular gas (Table 2). The species
abundances and heating/cooling rates are given for the S2A3
(generic disk model with central source of 100 M⊙ and accretion
rate of 10−3 M⊙ yr−1). We refer to the caption of Fig. 1 for the
description of the panels.
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Fig. 3. Results for the self-regulated disk models with an
initially molecular gas (Table 4), plus species abundances and
heating/cooling rates for the reference case S1 (self-regulated
disk with central source of 1 M⊙ and an accretion rate of
10

−1 M⊙ yr−1). The top panel shows the gas surface density as
a function of radius. We refer to the caption of Fig. 2 for the
description of the other panels.
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Key findings of this model

�  Temperature of the disk increases due to viscous heating 
for higher accretion rates 

� H2 gets collisionally dissociated (Also see Schleicher et al 
2015)   

� Clumps are able to migrate inward on short time scales, 
even tidally disrupted within central 10 AU  

� Feedback from the central star only becomes 
important at later stages for 104 M�
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Summary

➡Direct isothermal collapse provides massive seeds of about 
105 M�but sites are rare  

➡Large accretion rates of ~0.1 M�/yr are found in 
simulations with moderate UV flux 

➡No vigorous fragmentation is observed in such 
cases 

➡Viscous heating leads to collisional dissociation of 
H2 and help in stabilising the disk. 

➡Complete isothermal collapse may always not be 
necessary to form supermassive stars of about 
~105 M�


