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The LCDM PS agrees very well w/a large body of 
observations at large scales!

Is there a cut-off at small scales?--> WDM



What about smaller scales?
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The LCDM PS agrees very well w/a large body of 
observations at large scales!

Is there a cut-off at small scales?--> WDM
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Bolshoi simulation, Klypin et al. 11

Cosmic web forms: voids, walls, filaments, and halos 
(newtonian gravity in action)

movie



Dark halo formation is different in different environments
 (Avila-Reese et al. 2005)

 Cluster6 (Mres=4E7Ms/h; 3E8Ms/h)              Void5 (Mres=4E7Ms/h)

movies



Halo mass assembly: A common myth around the LCDM scenario 

is that mergers and violence is the rule in cosmic structure formation  

Merger dominated tree

Maulbetsch+ 07, ApJ: most of halos assembled only ~10-30% of their masses 
in mergers larger than 1:4.  See also Genel+10; Wang+10 with the MS)!M /M > 0:2 criterion, more than half of the subhalos at z ¼ 0

that were more massive than 1011:5 h"1 M# at infall get a merger
assigned while they were subhalos. However, no secondary pro-
genitor is found for these subhalos. To overcome this problem
of incorrect major-merger counting associated with the uncertain
mass determination of subhalos, we use an alternative criterion
for subhalos: a major merger is counted when M2mm/M > 0:2,
whereM2mm is the mass of the second most massive progenitor.
Note that to meet this condition the second most massive pro-
genitor should have more than 800 particles for halos withM >
1011:5 h"1M#. Using this criterion, now only 5% of all subhalos
that survive until z ¼ 0 suffered a major merger once they enter
in a bigger halo.

With these definitions we find that halos in high-density en-
vironments suffered on average more major mergers than their
counterparts in low-density environments. The average number
of major mergers, counted since the mass of the halo isMi(a) >
0:05Mi;max, and the standard deviations are 4:8 $ 1:4 and 3:9 $
1:3 for high- and low-density environments, respectively. The dif-
ference in the averages is highly significant according to Student’s
t-test. This difference is established mainly at z k 3. For all the

sample, we measure a mean of 4:3 $ 1:4 major mergers per halo,
similar to the values reported in Li et al. (2005). As these authors
showed, the major-merging statistics does not depend significantly
on halo mass.

From the pure number of major mergers it is difficult to es-
timate the effect mergers had on a halo, since early mergers only
contribute a small fraction to the final halo mass. Therefore, we
also measured for every halo the fraction of mass accreted in
major merger events. For the sample including subhalos and in
the mass range 11:5 % logM0 /h"1 M# < 12:5, Figure 6 shows
averages of the major-merger mass fraction, fmm & Mmm/M , ver-
sus a for all halos (solid line), and for halos in the high (!4 > 5;
dashed line) and low (!4 < 0; dotted line) density environments.
At a given epoch a,M, andMmm are the current halo mass and the
mass assembled in major mergers until a, respectively. The en-
capsulated panel shows the corresponding distribution of fmm

at z ¼ 0. The denser is the environment, the higher and broader
distributed is the fraction of mass assembled in major mergers.
The fraction fmm decreases with a, showing that mass accretion
becomes more and more dominant over major mergers with time.
This is particularly evident for isolated halos (Fig. 6, thin lines).

Fig. 6.—Evolution of the average fraction fmm of mass accreted in mergers (!M /M > 0:2) is shown for all halos in the mass range 11:5 < logM0 /h
"1 M# < 12:5

as a solid line. Halos in high- and low-density environments are shown by dashed and dotted lines, respectively. The evolution of fmm for isolated halos is indicated by
thin lines. The encapsulated panel shows the distributions of fmm at z ¼ 0 for all halos. The averages and scatters of fmm at z ¼ 0 are given in the main panel. [See the
electronic edition of the Journal for a color version of this figure.]
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Inner halo mass distribution and its substructures have to be 
predicted accurately in order to compare with observational 

inferences in our and other galaxies

Bolshoi
sim

ulation



Cooling and hydrodynamics of the baryon gas  
⇒  intergalactic medium and protogalaxies 

Disk assembly, star formation and 
feedback.       Mergersspheroids

Dark halo

C
os

m
ic

 w
eb

-Does galaxy assembly follow the DM halo 
assembly? (memory of initial cond’s)
- Do the DM halo environment affect the 
galaxy properties? 

Benson et al.

GASTROPHYSICS



Courtesy: S. Gottloeber 

N-body/hydro 
simulations

Non-linear 
gravitational 
evolution + 

baryonic physics 
(yet not well 

understood at the 
smallest scales , <50 
pc)  make difficult 

to follow the 
evolution of a 

whole population 
of galaxies 

(cosmological 
box) resolving at 
the same time the 

galaxy physics 
(molec. clouds, 

stellar feedback, 
etc.)  

movie



Zoomed or 
constrained 

simulations of a 
few objects 

allow to explore 
galaxy evolution 
and present-day 

properties.

Simulations may 
help to 

understand 
biases and 

selection effects 
in the IFS 

observations and 
how to optimize 
them at the time 

of making 
inferences CLUES project

(Courtesy: S. Gottloeber)) 

movie
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Ms(Mh) at z=0; comparison among several works
and methods (e.g., the direct ones)

16 BEHROOZI ET AL
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FIG. 14.— Comparison of our best-fit model at z = 0.1 to previously published results. Results compared include those from our previous work (Behroozi et al.
2010), from abundance matching (Moster et al. 2012; Reddick et al. 2012; Moster et al. 2010; Guo et al. 2010; Wang & Jing 2010), from HOD/CLF modeling
(Zheng et al. 2007a; Yang et al. 2012), and from cluster catalogs (Yang et al. 2009a; Hansen et al. 2009; Lin & Mohr 2004). Grey shaded regions correspond to
the 68% confidence contours of Behroozi et al. (2010). The one-sigma posterior distribution for our model is shown by the red error bars.
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FIG. 15.— Comparison of our best-fit model at z = 1.0 and z = 3.0 to previously published results. Results compared include those from our previous
work (Behroozi et al. 2010), from abundance matching (Moster et al. 2012, 2010; Conroy & Wechsler 2009; Wang & Jing 2010), and from HOD/CLF modeling
(Zheng et al. 2007a; Yang et al. 2012; Wake et al. 2011). Yang et al. (2012) reports best fits for two separate stellar mass functions, and we include both at z = 3.0.
Grey shaded regions correspond to the 68% confidence contours of Behroozi et al. (2010).

3% or 
~1/6 fbar

0.5%

Small intrinsic scatter (< the uncertainty in Ms determination, ~0.25 dex)
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Gas cooling time is longer 
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AGN feedback more 
efficient as Ms is larger 
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(more efficient 
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Combining the abundance matching w/Halo Occupation 
model and the Conditional Mass Function formalism:

One takes into account centrals/satellites and the 2-point 
Correlation Function: the Ms-Mh relation remains almost the 
same but it improves on the uncertainties

Rodríguez-Puebla+ 12,  ApJ 756,2
Rodríguez-Puebla+13, ApJ 767, 92satellites/subhalos

centrals/halos



Projected correlation function (sampled in different stellar mass bins)

The semi-empirical model, through the galaxy-halo connection, describes 
very well the observed central/satellite GSMFs, 2-point correlations 

functions and satellite CSMFs (Rodríguez-Puebla+13)
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Yet growing at z=0

3%

 Stellar mass downsizing vs halo mass upsizing (?)

the smaller, 
the faster is 
the late Ms 

growth 
(downsizing 

in SSFR)

Firmani & Avila-Reese 10, ApJ 723, 755
(Moster+ 10,13;  Behroozi+ 10,13;  Yang+ 12;  Rodríguez-Puebla 13)



Yet growing at z=0

3%

 Stellar mass downsizing vs halo mass upsizing (?)

Stop growth, earlier as more 
massive is the galaxy

transition from active (blue 
star-forming) to quiescent/
passive (red) regime: the 
more massive, the earlier is 
the transition (‘population’ 
downsizing)the smaller, 

the faster is 
the late Ms 

growth 
(downsizing 

in SSFR)

Firmani & Avila-Reese 10, ApJ 723, 755
(Moster+ 10,13;  Behroozi+ 10,13;  Yang+ 12;  Rodríguez-Puebla 13)



Ms growth

Mh growth
(re-normalized)

A). Large halos 
continue growing, 
but their stellar 
masses stopped

Firmani & Avila-Reese 10, ApJ 723, 755

Semi-empirical inferences of Ms growth

see also Conroy & Wechsler09;  Zehavi+11

B). Small halos assemble earlier than more massive ones BUT their
stellar masses assemble much later (downsizing in SSFR).   



A) Characteristic mass of transition from active to passive regime 
(when the SSFR strongly falls)

What does produce the SF 
quenching of massive galaxies?

Downsizing in mass
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FIG. 18.— Featureless, rising power law star formation histories are appropriate for z> 3; however, for z< 3, galaxies have peaks in their star formation rates
that depend on halo mass. These figures show constraints on individual star formation histories of galaxies in halos of mass 1011 − 1014M! as a function of
time from the beginning of the universe to z = 0.1. These halo masses correspond to stellar masses of ∼ 109, 3× 1010M!, 1011M! , and 2× 1011M! at z = 0,
respectively.
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FIG. 19.— Left panel: Median mass accretion histories for halos in narrow mass bins (0.25 dex). The shaded regions contain 68% of the spread in mass
accretion histories for different halos. Right panel: Constraints on individual star formation histories for galaxies in 1012M! halos, compared with fits from Eq.
22-24.

satellites cease to form stars relatively quickly after accretion
(Wetzel et al. 2012) means that declining star formation his-
tories may continue to be reasonable fits for satellite galaxies,
even though most other galaxies of the same mass may be
better fit by rising star formation histories.

Finally, we note that differences can arise in individual
galaxy star formation histories because of the scatter in stel-
lar masses at a given halo mass, as well as the scatter in mass
accretion histories for halos (see Fig. 19). We can attempt to
model these effects by sampling random mass accretion his-
tories from the Bolshoi simulation and then sampling random
stellar mass growth histories as allowed by the scatter in stel-
lar mass at fixed halo mass (i.e., choosing random stellar mass
offsets at z = 8, z = 1.0, and z = 0 and using spline interpolation
at intermediate times). Our results, expressed as a function of
time since the beginning of the universe, are shown in Fig. 18.

These results have dramatically larger error bars than those
in Fig. 6 on account of the spread in mass accretion histories
for halos. Nonetheless, some basic conclusions can be drawn.
Star formation histories for z> 3 galaxies increase with time.
Although there are different ways to parametrize these histo-
ries, a straightforward one is a direct power law form:

SFH(t) = AtB (for z> 3). (22)

This is also equally capable of fitting the average star for-
mation rates in Fig. 6 at z > 3. Our result is similar to that

of Papovich et al. (2011); however, we find steeper slopes
(B ∼ 3 − 4) than theirs (B ∼ 1.7) because they ignore all ef-
fects of mergers that occur from z = 8 to z = 3.

At lower redshifts, there is a mass-dependent turnover af-
ter which the star formation history begins to decline. This
happens at z∼ 2−3 for 1011M! galaxies, making a declining
exponential at z = 0 a reasonable fit. However, it happens as
late as z = 0.5 for 109.5M! galaxies—meaning that a declining
exponential is never a good fit for these galaxies unless they
are satellites. The best fit in general for all the constraints on
individual histories presented here is a double power law:

SFH(t) = A
[

( t
τ

)B
+
( t
τ

)−C]−1

; (23)

typical values ofB andC range from 1 to 5. It may often be the
case that the available data is insufficient to constrain all three
shape parameters. In this case, a hybrid of the exponential
decline and power law rise still provides a reasonable fit:

SFH(t) = AtB exp(−t/τ ). (24)
6. DISCUSSION

The existence of a “cold mode” of gas accretion that al-
lows efficient star formation at high redshifts and shuts off for
massive galaxies past z ∼ 2 has been predicted in hydrody-
namical simulations for the past decade (Birnboim & Dekel
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FIG. 9.— Left panel: Stellar mass growth histories of galaxies of different masses. Lines shown the amount of stellar mass remaining in central galaxies at the
present day that was in place (in any progenitor galaxy) at a given redshift for our best fit model. Right panel: Amount of stellar mass in the intracluster light
(ICL) remaining at the present day in place at a given redshift. Note that plots for 1015M! halos are not shown as they are nearly identical to those for 1014M!

halos. Shaded regions in both panels shown the one-sigma posterior distribution.
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FIG. 10.— The fraction of stellar mass growth due to in situ star formation
(as opposed to growth by galaxy-galaxy mergers) as a function of halo mass
and redshift.

stellar mass per unit halo mass. However, concerns about the
reliability of the stellar mass functions at those redshifts (see
§3.1) urge caution in interpreting the physical meaning of this
result.

A useful perspective on these results can be obtained by
considering the historical stellar mass to halo mass ratio of
halos, as shown in Fig. 8. Despite the large systematic un-
certainties, it is clear that halos go through markedly dif-
ferent phases of star formation. This evolution is most ap-
parent for massive halos, as observations have been able to
probe the properties of the progenitor galaxies all the way to
z = 8. Specifically, high-redshift progenitors of today’s bright-
est cluster galaxies (Mh ∼ 1014M! were relatively efficient in
converting baryons to stars—comparable to the most efficient
galaxies today. However, between redshifts 2 − 3, their effi-
ciencies peaked, and thereafter they began to form stars less
rapidly than their host halos were accreting dark matter. At
the present day, such galaxies have an integrated star forma-
tion efficiency that is two orders of magnitude less than at
their peak. The picture is less clear for progenitors of lower-
mass galaxies because current observations cannot probe their
progenitors as far back. Nonetheless, their apparent behavior
in Fig. 7 of rising to a peak efficiency and later falling is con-

sistent with all available data.

5.3. Stellar Mass and Intracluster Light Growth Histories
Our model constrains the buildup of stars in the intraclus-

ter light purely from observational galaxy data and measure-
ments of the halo-halo merger rate in simulations (see also
Watson et al. 2012 for an alternate method). In our best-fitting
model, only 5% of stellar mass in mergers for 1014M! halos
is allowed to be deposited onto the central galaxy since z = 1,
and only 10% for 1013M! halos. For Milky Way-sized and
smaller halos, this number rises rapidly to 70-80%. Yet, due
to the sharply decreasing stellar mass to halo mass ratio for
lower-mass halos, most of the incoming stellar mass will be in
(rare) major mergers. Central galaxies are therefore relatively
uncontaminated by stars from smaller merged satellites.

In Fig. 9, we show the amount of galaxies’ present-day stel-
lar mass and intracluster light (ICL)/halo stars that was in
place at a given redshift. The left-hand panel (stellar mass)
shows that almost all stars in the central galaxy in present-day
cluster-scale halos were in place at z = 2. However, since that
time, a large number of their satellites have been disrupted
into the ICL. Thus, for cluster scale halos, the stellar mass in
the ICL exceeds the stellar mass in the central galaxy by a fac-
tor of 4-5, consistent with observations (e.g., Gonzalez et al.
2005). We note that our model predicts what may seem to be
a large ICL fraction for Milky Way-sized galaxies (1012M!).
However, the Milky Way is a special case. It has not had a ma-
jor merger for ∼ 10-11 Gyr (Hammer et al. 2007); however,
as noted above, only major mergers can contribute substan-
tially to the ICL. A major merger 11 Gyr ago would have,
however, contributed less than 3% of the present-day stellar
mass of the Milky Way into the ICL; allowing for passive
stellar evolution, this would result in less than 2% of the lumi-
nosity of the Milky Way coming from the intrahalo light, in
excellent agreement with observations (Purcell et al. 2007).

Finally, in Fig. 10, we show the inferred fraction of stel-
lar mass growth coming from in situ star formation (as op-
posed to galaxy-galaxy mergers) as a function of halo mass
and redshift. At all redshifts greater than 1, the vast majority
of stellar mass growth is from star formation, and hence stel-
lar mass functions alone may be used to infer galaxy star for-
mation rates. However, the stellar mass growth rate of high-
mass, low-redshift halos is such that it cannot be explained
entirely by in situ star formation. For these halos, stellar mass
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Figure 3. Inside-out stellar mass growth and spatially resolved downsizing. Panels show the normalized growth (grayscale in ten intervals
of 10%, with the 80% contour in black) in time in the four zones of Figure 2. To avoid number statistics biases, the galaxies are stacked
in seven equally populated bins of 15 galaxies each, sorted by present day total stellar mass; this implies that the vertical axis in figs. 3,
4, 5 is not uniform in log mass. For each spatial component the growth is normalized to its total final stellar mass (i.e. the growth curves
of Figure 2 are cuts for two of the mass bins through the grayscale and contours). For each zone, three example mass bins growth curves
are plotted (lowest, intermediate and highest, in blue, green and red) showing how the signal of downsizing is spatially preserved (the four
blue lines here correspond to the four dashed lines in Figure 2, while the four green lines here correspond to the four full lines in Figure 2);
the axis corresponding to these cuts is the same as the grayscale, i.e. the scale 0.0-1.0 on the right hand side. For a given galaxy mass, the
progressive steepening of the growth from the outer (> 1R50) towards the nucleus shows the inside-out growth trend with the total mass
of the galaxy. At the same time, for a given galaxy region, more massive galaxies grow faster than less massive ones, and this is sustained
systematically from the inner to the outer zones.

Figure 4. Inside-out stellar mass growth: ages. Using the same vertical axis as in Figure 3, this figure color codes the age at which each
spatial component grows to 80% of its final stellar mass; the age (in Gyr) is shown within each box. For a given mass, the horizontal run
of color gives the systematic aging from the outer (right) to the inner regions (left). Conversely, for a given galaxy region, the vertical run
gives the systematic aging of that zone with increasing galaxy total stellar mass. There is a systematic change both with mass and location
for all cases, with the exception of the very low mass galaxies (bottom row) for which there is no inside-out growth (the age at 80% growth
is approximately the same in all four spatial components). These diagrams show clearly the differential inside-out growth and its explicit
dependence on galaxy mass and galactocentric radius.
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Figure 9. Mass and time evolution of the spin parameter λ′.
(Top) Points are the median from our simulations while the solid
lines represent the linear fitting to the data. Every line have been
shifted by a constant factor of 0.1 from z = 2 and all of them show
approximately the same mean value, nevertheless as z increases,
a weak dependence of the spin on the mass of the haloes starts to
become evident. The color code is the same used in figure 1 and
shows different redshifts. (Bottom) Unshifted linear fitting to λ′.
The color code of each line is the same used in the plot on top.

-0.05

-0.045

-0.04

-0.035

-0.03

-0.025

-0.02

-0.015

-0.01

-0.005

 0

 0.005

 0  0.5  1  1.5  2

a(
z)

z

Nvir>1000
Nvir>500
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from the fitting.
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6 DISCUSSION AND CONCLUSIONS

In this work we present a detailed analysis of a large set
of N-body simulations performed within a WMAP 5th year
ΛCDM cosmology (Komatsu et al. 2009). We study the re-
lation between structural properties of dark matter haloes
(concentration, spin and shape) with mass, and the evo-
lution of such scaling relations with redshift. We span the
entire mass range important for galaxy formation [1010 :
1015h−1 M#] and a redshift range from z = 0 to z = 2.

We present results for “relaxed” haloes, defined accord-
ing to the criteria suggested by Macciò et al. (2007). In our
mass and redshift range the cvir −Mvir relation always fol-
lows a power law behavior. We confirmed that the redshift
dependence of such relation is more complex than a sim-
ple (1 + z)−1 scaling as proposed by Bullock et al. 2001a,
with both the normalization and the slope of the relation
changing with cosmic time. We also found that for increas-
ing redshifts (z ≈ 2) the power law behaviour seems to break
in agreement with recent studies (e.g. Klypin et al. 2010).
Thanks to our multiple box simulations we tested our results
against resolution effects and find them to be stable once a
sufficient large number of particles is used Nvir > 500.

Recently two other works have addressed the topic of
the evolution of the cvir −Mvir relation, Zhao et al. (2009)
and Klypin et al. (2010). When compared with the model
proposed in Zhao et al. (2009) our results show a very good
agreement at the low mass end (possibly due to the fact that
both halo samples have more or less the same level of resolu-
tion). For high masses we find a slightly higher difference but
never exceeding few percent. The comparison with Klypin et
al. is less straightforward since they used a different method
to compute concentrations, based on the circular velocity of
the halo instead of directly fitting the density profile. More-
over they use all haloes in their simulation volume without
any distinction between relaxed and unrelaxed. Our results
are in qualitative agreement with the model proposed by
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we might want to remove unrelaxed haloes. First and foremost, un-
relaxed haloes often have poorly defined centres, which makes the
determination of a radial density profile, and hence of the concentra-
tion parameter, an ill-defined problem. Moreover, unrelaxed haloes
often have shapes that are not adequately described by an ellipsoid,
making our shape parameters ill defined as well.

One could imagine using ρrms (the rms of the NFW fit to the
density profile) to decide whether a halo is relaxed or not. However,
while it is true that ρrms is typically high for unrelaxed haloes,
haloes with relatively few particles also have a high ρrms (due to
Poisson noise) even when they are relaxed (cf. fig. 2 of M07 for the
correlation between ρrms and Nvir). Furthermore, since the spherical
averaging used to compute the density profiles has a smoothing
effect, not all unrelaxed haloes have a high ρrms. However, these
haloes are often characterized by a large offset parameter, xoff . We
therefore use both ρrms and xoff to judge whether a halo is relaxed
or not. Following M07 we split our halo sample in unrelaxed and
relaxed haloes. The latter are defined as the haloes with ρrms < 0.5
and xoff < 0.07. About 70 per cent of the haloes in our sample qualify
as relaxed haloes. In what follow, we will present results for two
different samples of haloes: ALL, which includes all haloes with
Nvir > 500, and RELAXED, which is the corresponding subsample
of relaxed haloes.

3 C O N C E N T R AT I O N – M A S S R E L AT I O N

3.1 Differences between WMAP1, WMAP3 and WMAP5

We first discuss the concentration–mass (hereafter c–M) relation.
Figs 2 and 3 show the cvir–Mvir and c200–M200 relations for the
WMAP1, WMAP3 and WMAP5 cosmologies, and for both the ALL
and RELAXED samples, as indicated. The symbols show the mean
concentrations (in logarithmic space) in mass bins of 0.4 dex width.
For all three cosmologies the c–M relation is well fitted by a single

Figure 2. cvir versus Mvir for WMAP1 (left-hand panels), WMAP3 (centre panels) and WMAP5 (right-hand panels). The upper panels show all haloes with
more than 500 particles within rvir, while the lower panels show the ‘relaxed’ haloes. The points show the mean concentration (in log cvir) in bins of width
0.4 dex in mass, the error bar shows the Poisson error on the mean. The solid lines represent the median concentration in each mass bin, the dashed and dotted
lines show the 15.9th, 84.1th, 2.3th and 97.7th percentiles of the distribution. The solid (red) line shows a power-law fit to the cvir–Mvir relation: log cvir = zero
+ slope (log Mvir/12 h−1 M") whose parameters are given in the lower left-hand corner of each panel, and in Table A1.

power law (red solid line). For the relaxed haloes, these best-fitting
power-law relations are given by

log cvir = 1.051 − 0.099 log(Mvir/[1012 h−1 M"]), (5)

log c200 = 0.917 − 0.104 log(M200/[1012 h−1 M"]), (6)

for the WMAP1 cosmology,

log cvir = 0.915 − 0.080 log(Mvir/[1012 h−1 M"]), (7)

log c200 = 0.769 − 0.083 log(M200/[1012 h−1 M"]), (8)

for the WMAP3 cosmology and

log cvir = 0.971 − 0.094 log(Mvir/[1012 h−1 M"]), (9)

log c200 = 0.830 − 0.098 log(M200/[1012 h−1 M"]), (10)

for the WMAP5 cosmology. The errors of these fitting parameters are
listed in Table A1. Note that these relations differ in both the slope
and the zero-point. In particular, going from WMAP1 to WMAP5 to
WMAP3, the slopes becomes shallower and the zero-points become
smaller. Comparing the WMAP1 and WMAP3 cosmologies, which
are the extremes in terms of the cosmological parameter values
(see Table 1), the difference in the mean log cvir is 0.19, 0.15, 0.11
dex (i.e. a factor of 1.55, 1.41, 1.29 in cvir) at a halo mass of
1010, 1012, 1014 h−1 M". A similar trend of lower normalization
and shallower slopes is also seen going towards higher redshift
for a given cosmology (e.g. Zhao et al. 2003a). This supports the
notion that the c–M relation reflects the assembly histories of DM
haloes: the fact that WMAP3 haloes are less concentrated than their
counterparts in a WMAP1 (or WMAP5) cosmology, simply reflects
that haloes assemble later in a universe with lower "m and/or lower
σ 8. Note that the three cosmologies also differ in the spectral index
of the matter power spectrum, n, which is also responsible for some
of the differences in the c–M relations.
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Figure 9. Mass and time evolution of the spin parameter λ′.
(Top) Points are the median from our simulations while the solid
lines represent the linear fitting to the data. Every line have been
shifted by a constant factor of 0.1 from z = 2 and all of them show
approximately the same mean value, nevertheless as z increases,
a weak dependence of the spin on the mass of the haloes starts to
become evident. The color code is the same used in figure 1 and
shows different redshifts. (Bottom) Unshifted linear fitting to λ′.
The color code of each line is the same used in the plot on top.
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from the fitting.
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6 DISCUSSION AND CONCLUSIONS

In this work we present a detailed analysis of a large set
of N-body simulations performed within a WMAP 5th year
ΛCDM cosmology (Komatsu et al. 2009). We study the re-
lation between structural properties of dark matter haloes
(concentration, spin and shape) with mass, and the evo-
lution of such scaling relations with redshift. We span the
entire mass range important for galaxy formation [1010 :
1015h−1 M#] and a redshift range from z = 0 to z = 2.

We present results for “relaxed” haloes, defined accord-
ing to the criteria suggested by Macciò et al. (2007). In our
mass and redshift range the cvir −Mvir relation always fol-
lows a power law behavior. We confirmed that the redshift
dependence of such relation is more complex than a sim-
ple (1 + z)−1 scaling as proposed by Bullock et al. 2001a,
with both the normalization and the slope of the relation
changing with cosmic time. We also found that for increas-
ing redshifts (z ≈ 2) the power law behaviour seems to break
in agreement with recent studies (e.g. Klypin et al. 2010).
Thanks to our multiple box simulations we tested our results
against resolution effects and find them to be stable once a
sufficient large number of particles is used Nvir > 500.

Recently two other works have addressed the topic of
the evolution of the cvir −Mvir relation, Zhao et al. (2009)
and Klypin et al. (2010). When compared with the model
proposed in Zhao et al. (2009) our results show a very good
agreement at the low mass end (possibly due to the fact that
both halo samples have more or less the same level of resolu-
tion). For high masses we find a slightly higher difference but
never exceeding few percent. The comparison with Klypin et
al. is less straightforward since they used a different method
to compute concentrations, based on the circular velocity of
the halo instead of directly fitting the density profile. More-
over they use all haloes in their simulation volume without
any distinction between relaxed and unrelaxed. Our results
are in qualitative agreement with the model proposed by
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we might want to remove unrelaxed haloes. First and foremost, un-
relaxed haloes often have poorly defined centres, which makes the
determination of a radial density profile, and hence of the concentra-
tion parameter, an ill-defined problem. Moreover, unrelaxed haloes
often have shapes that are not adequately described by an ellipsoid,
making our shape parameters ill defined as well.

One could imagine using ρrms (the rms of the NFW fit to the
density profile) to decide whether a halo is relaxed or not. However,
while it is true that ρrms is typically high for unrelaxed haloes,
haloes with relatively few particles also have a high ρrms (due to
Poisson noise) even when they are relaxed (cf. fig. 2 of M07 for the
correlation between ρrms and Nvir). Furthermore, since the spherical
averaging used to compute the density profiles has a smoothing
effect, not all unrelaxed haloes have a high ρrms. However, these
haloes are often characterized by a large offset parameter, xoff . We
therefore use both ρrms and xoff to judge whether a halo is relaxed
or not. Following M07 we split our halo sample in unrelaxed and
relaxed haloes. The latter are defined as the haloes with ρrms < 0.5
and xoff < 0.07. About 70 per cent of the haloes in our sample qualify
as relaxed haloes. In what follow, we will present results for two
different samples of haloes: ALL, which includes all haloes with
Nvir > 500, and RELAXED, which is the corresponding subsample
of relaxed haloes.

3 C O N C E N T R AT I O N – M A S S R E L AT I O N

3.1 Differences between WMAP1, WMAP3 and WMAP5

We first discuss the concentration–mass (hereafter c–M) relation.
Figs 2 and 3 show the cvir–Mvir and c200–M200 relations for the
WMAP1, WMAP3 and WMAP5 cosmologies, and for both the ALL
and RELAXED samples, as indicated. The symbols show the mean
concentrations (in logarithmic space) in mass bins of 0.4 dex width.
For all three cosmologies the c–M relation is well fitted by a single

Figure 2. cvir versus Mvir for WMAP1 (left-hand panels), WMAP3 (centre panels) and WMAP5 (right-hand panels). The upper panels show all haloes with
more than 500 particles within rvir, while the lower panels show the ‘relaxed’ haloes. The points show the mean concentration (in log cvir) in bins of width
0.4 dex in mass, the error bar shows the Poisson error on the mean. The solid lines represent the median concentration in each mass bin, the dashed and dotted
lines show the 15.9th, 84.1th, 2.3th and 97.7th percentiles of the distribution. The solid (red) line shows a power-law fit to the cvir–Mvir relation: log cvir = zero
+ slope (log Mvir/12 h−1 M") whose parameters are given in the lower left-hand corner of each panel, and in Table A1.

power law (red solid line). For the relaxed haloes, these best-fitting
power-law relations are given by

log cvir = 1.051 − 0.099 log(Mvir/[1012 h−1 M"]), (5)

log c200 = 0.917 − 0.104 log(M200/[1012 h−1 M"]), (6)

for the WMAP1 cosmology,

log cvir = 0.915 − 0.080 log(Mvir/[1012 h−1 M"]), (7)

log c200 = 0.769 − 0.083 log(M200/[1012 h−1 M"]), (8)

for the WMAP3 cosmology and

log cvir = 0.971 − 0.094 log(Mvir/[1012 h−1 M"]), (9)

log c200 = 0.830 − 0.098 log(M200/[1012 h−1 M"]), (10)

for the WMAP5 cosmology. The errors of these fitting parameters are
listed in Table A1. Note that these relations differ in both the slope
and the zero-point. In particular, going from WMAP1 to WMAP5 to
WMAP3, the slopes becomes shallower and the zero-points become
smaller. Comparing the WMAP1 and WMAP3 cosmologies, which
are the extremes in terms of the cosmological parameter values
(see Table 1), the difference in the mean log cvir is 0.19, 0.15, 0.11
dex (i.e. a factor of 1.55, 1.41, 1.29 in cvir) at a halo mass of
1010, 1012, 1014 h−1 M". A similar trend of lower normalization
and shallower slopes is also seen going towards higher redshift
for a given cosmology (e.g. Zhao et al. 2003a). This supports the
notion that the c–M relation reflects the assembly histories of DM
haloes: the fact that WMAP3 haloes are less concentrated than their
counterparts in a WMAP1 (or WMAP5) cosmology, simply reflects
that haloes assemble later in a universe with lower "m and/or lower
σ 8. Note that the three cosmologies also differ in the spectral index
of the matter power spectrum, n, which is also responsible for some
of the differences in the c–M relations.
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Figure 2. Ratio of disk rotation speed to total rotation speed (Fdisk) versus (a) total rotation speed, (b) K-band luminosity and (c) B−K

color for DiskMass Survey galaxies. Maximum disks have Fdisk = 0.85± 0.1 (shaded gray). Galaxies are coded by Hubble type (Sa, circles;
Sb/Sbc, squares; Sc/Scd, triangles; Sd/Im, pluses) and bar classification (SA, blue/dark gray; SAB, green/light gray; SB, red/medium
gray). Lines and labels are described in the text.

These results have significant implications for the IMF,
stellar evolution, cosmological accounting of baryons,
and the formation of galaxy disks. Since a truncated IMF
is already required to match Υ for a maximal disk (Bell &
de Jong 2001), substantially sub-maximal disks require
either uncomfortably top-heavy IMFs, or validates re-
cent suggestions of a surfeit of luminous, low-mass stars
(e.g., TP-AGB). A quantitative assessment of this sur-
feit is forthcoming. Similarly, current accounting of the
distribution of stellar mass in cosmological volumes is
based on an Υ calibration that either assumes disks are
maximal, or agrees with such a calibration (e.g., Li &
White 2009, McGaugh et al. 2010). These stellar mass
estimates should be lowered by at least a factor of 3 for
disks, since F disk

max represents the total dynamical mass,
not just stellar mass. For example, the stellar mass of the
disk of UGC 463 is only 60% of the total disk dynamical

mass (DMS-IV). Unless the provocative claim for high
Υ in elliptical cores (van Dokkum & Conroy 2011) is
confirmed and shown to be more wide-spread, our down-
ward revision of Υ is applicable to cosmological samples.
Finally, galaxy formation models must reproduce accu-
rate scaling-relations and their scatter (e.g., total mass
to luminosity) in the context of submaximal disks. This
submaximality must correlate with total mass, luminos-
ity and stellar population, balancing trends of baryon
loss from feedback with changes in angular momentum
that, by our reckoning, on average must decrease three-
fold from maximum-disk estimates.
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Recent accurate measures of disk mass --> Vd calculated directly (see Kyle’s talk)  

Bershady+11, from the DiskMass 
Survey,  w/IFS

Bershady+

•Real gal’s are more dark matter dominated 
than those formed in CDM halos? 
•The adiabatic contraction should be 
stronger than in the model? (Dutton+07, 11 
claim that instead of AC there is an adiabatic 
expansion!) 
•More observational data are needed; IFS 
surveys may provide them! (Vmax, σ, Re, Ms, 
Σ, Mdyn,)

Model prediction



The evolution of disk galaxies

•Semi-numerical evolutionary models allow to simulate the 
internal evolution of disk galaxies inside growing CDM halos and 
to model  pop’s of galaxies.
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The evolution of disk galaxies

•Semi-numerical evolutionary models allow to simulate the 
internal evolution of disk galaxies inside growing CDM halos and 
to model  pop’s of galaxies.

Cosmology + LCDM 
power spectrum ➟ 
Hierarchical halo 
mass and angular 

momentum growing

Gas cooling and infall & disk 
in centrifugal equilibrium 
formation. Halo adiabatic 

contraction

λ

Toomre instability parameter + 
vertical E balance (SN feedback 

and turbulent dissipation) =  
self-regulated SF.  Outflows

z



Firmani & Avila-Reese 00;  Avila-Reese+ 00, 08; Firmani+ 10

The model in action

Inside-out disk galaxy formation. The SD profiles of stars, light and 
gas are different: Rd increases, respectively. 

CALIFA IFS analysis shows evidence of inside-out growth for late-
type, Ms<7 1010M gal’s (Roberto’s talk)

movie Gas and stellar disk surface densitiesRotation curve decomposition

Weak SN-driven 
outflows

Stellar disk 

Gas disk



Cusp (= bulge?)

Toomre unstable regions = pseudobulge 
(realistic b/d ratios for late-type galaxies,  

A-R & Firmani 00, RevMexAA). IFS observations may 
help to disentangle the nature of the bulges

weak dependence on 
halo MAH

strong dependence on 
spin parameter

 HSB → LSB ( spin parameter)

λ and fb 
incluence 
on the SD 

Simulated disks have in most of cases 
negative color gradients (depends 
mainly on the halo MAH)

fb i
nc

rea
ses

 --
>

The SD and Rd as well as the RC decomposition depend on λand fb. By 

comparing models w/accurate IFS observations, λ and fb can be constrained. 



N-body/hydrodynamical 
simulations, the case of low 

mass galaxies (<3 1010 M)



“Zoomed” simulation of low-mass galaxies                
(Mh~ 2x1010-4 x1011M☉)  Colin+ 10 (ApJ, 713, 535) and Avila-Reese+ 11 (ApJ, 736, 134)
Hydrodynamics ART code (Kravtsov+97,03)

Scaling laws
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In all cases the SFR strongly 
decreases since z~1-0.5
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Strong SN-driven 
outflows 

(supergalactic 
winds)  

IGM: infalling and 
outflowing gas 

Disks w/spiral arms 
and realistic ISM 

properties

Nearly flat RCs, 
dominated by DM



Measured SSFR vs Ms at four epochs 

The LCDM numerical simulations show that the SSFR 
is too low out to z~1  w.r.t. obs’s

Avila-Reese+ 11 (ApJ, 736, 134)SSFR= SFR/Ms  (current to average past SFR)
.........  const SFR case



Measured SSFR vs Ms at four epochs 

The LCDM numerical simulations show that the SSFR 
is too low out to z~1  w.r.t. obs’s

downsizing?

Avila-Reese+ 11 (ApJ, 736, 134)SSFR= SFR/Ms  (current to average past SFR)
.........  const SFR case



A related problems is the one of the stellar 
mass fraction (Ms/Mh) evolution

Even with SN-driven galaxy outflows, simulations have 
difficulties in reproducing the too low Ms/Mh ratios inferred 

from observations, in special its evolution

Avila-Reese+ 11 (ApJ, 736, 134)



•Another simulation: a whole cosmic volume 
(14Mpc, ~300 galaxies at z=0 with more than 2000 
particles; lower resolution but good statistics)
•GADGET-3 SPH Code with multiphase ISM and SN 
feedback grafted into this medium (Scannapieco+06,08)

de Rossi et al. 
2013, MNRAS, 

accepted

z=0
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z=1
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all stars (up to Rvir)

Less massive halos assemble their central galaxy stars later than more 
massive ones do it: downsizing.  BUT not as strong as inferred semi-

empirically for galaxies less massive than ~3x1010 Msun.

F*=Ms/Mh  evolution as a function of mass
(normalized to the z=0 ratio)

Average stellar mass 
growth histories

solid line: inside Ropt

dashed line: inside Rvir

semi-empirical inferences

de Rossi+ 13, MNRAS

simulations



• Caveats:  a) Are there systematics in Ms inferred with the SPS models? 
(subestimated at low masses w.r.t. BC03) b) Is the IMF constant in space and 
time? (higher low-M cut-off as the smaller is the galaxy and for higher z’s?). c) 
Are the measured SFRs reliable? (different tracers, e.g., Bauer+11). Sample 
completeness and biases associated to a bursty SFH (no strong evidences 
in <11Mpc small galaxies, e.g., Lee+ 07, Bothwell+09, James+ 09). 
Environment (sSFR-Ms is ~ the same for different environments; 
COSMOS: Peng+ 10, McGee+ 10) .

Crucial questions to be 
answered, IFS may help
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Environment (sSFR-Ms is ~ the same for different environments; 
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Leitner12, ApJ: Archeological 
inferences (DR7 SDSS in VESPA) 

agree qualitatively with 
evolutionary (toy model) 
inferences: downsizing.

However, the trend is reversed for 
local dwarf galaxies! (CMD 

inferences, Holtzman+06; Weisz+ 
11a,b

Crucial questions to be 
answered, IFS may help



Bulge growth in disk galaxies:   1) does the LCDM merger 
rates allow for the large fraction of  observed “bulgeless” gal’s? 

2) Do bulges grow by mergers of from stars from the unstable disk?

Zavala+ 12, MNRAS 427,1503:  disks are seeded in halos from the MS-1 and MS-2 
simulations, according to the Ms-Mh and Mg-Ms relations at each z. Bulges grow by 3 

channels: a) stars from the merged secondary, b) stars from the primary disk perturbed 
by the merger, c) stars formed in bursts from the gas deposited in the center. 
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Figure 1. Relative fraction of main progenitors having at least a stellar
major merger event with µ∗ > 0.1 as a function of redshift. The time
interval between redshift bins is 1 Gyr. The fraction is relative to the total
number of main progenitors in a given redshift bin. The colours (symbols)
are for three different halo mass bins at z = 0 according to the legend. The
low-mass bin is for the MS-II sample; the other two are for the MS-I sample.
The stellar major merger ratio and redshift are defined at the time of final
galaxy coalescence. The secondary galaxies grow according to the SAM
described in Appendix A3. Stellar and gas masses for each halo are given
by empirical relations described in Appendix A1. The shaded region is a
compilation of observations by Hopkins et al. (2010a,b) for µ∗ > 0.1. The
magenta arrows mark the change on f merg for the intermediate-mass bin if
the major merger threshold is increased to 0.25.

z = 0, centred in 3.3×1011 M#, 2.7×1012 M# and 6.3×1013 M#,
respectively; the error bars are the corresponding 1σ scatters of
the distributions. The mergers (including their stellar mass ratio)
are defined at the time when the secondary galaxy finally coa-
lesces with the central one (zend). In Fig. 1 we have actually used
zseed = 4, which is the maximum redshift used to infer the halo-to-
stellar mass relation.

The figure shows that the fraction of progenitors with on-going
mergers grows with z, which is a trend inherited from the well-
known growth with z of the halo–halo merger rates (e.g. see right-
hand panel, fig. 3 of Fakhouri, Ma & Boylan-Kolchin 2010). We
can also see that fmerg depends on Mh: galaxies in the most massive
haloes have in average a higher fraction of mergers than those in
the less massive ones; at the level of halo mergers, this dependence
is quite weak.

It is interesting to remark, as noted elsewhere (Stewart et al. 2009;
Hopkins et al. 2010a), that there is a dramatic change in the merger
fraction as a function of mass and z depending on which mass ratio
is used to define the merger. If we use µ∗ instead of µhalo, there is an
overall drop in the fraction of main progenitors with major mergers,
and the dependence of fmerg on mass increases, especially for the
largest masses. This is mainly produced by the shape of the M∗(Mh,
z) relation: at masses below the knee of this relation, a µ∗(zstart) = 0.1
merger is actually related to a µhalo(zstart) = 0.36 merger (because
Mh ∝ M0.44

∗ ), which is more rare than a 1:10 halo merger; at
masses above the knee, where Mh ∝ M2

∗ , an opposite behaviour is
in principle expected. The stellar growth of the merging galaxies
from zstart until zend also contributes to the changes in the merger
fraction. To give an impression of this, we show in Fig. 2 the median
values of µhalo(zstart)/µ∗(zend) as a function of z for the mergers
corresponding to Fig. 1, in the case where the secondaries evolve

Figure 2. Median values and 1σ scatter of the distribution of halo-to-stellar
merger mass ratios, µhalo(zstart)/µ∗(zend), for the mergers shown in Fig. 1,
with the same three halo mass bins (solid curves from top to bottom are
for lower to higher masses, respectively) and for the case of evolution in
the secondaries. The dashed lines are the same but with µ∗ defined at the
beginning of the halo merger.

according to a simple SAM (see Appendix A3). The MS samples
were divided into the same three present-day Mh bins as in Fig. 1.
The error bars show the 1σ scatters. On average, a µhalo(zstart) = 0.1
halo merger corresponds to a µ∗(zend) ∼ 0.01 stellar merger for low-
mass galaxies. Interestingly, notice that in our model of secondary
evolution, the µ∗ ratios are roughly the same whether they are
measured at the beginning (zstart, dashed lines) or at the end of the
merger (zend, solid lines). This means that on average, the secondary
increases its stellar mass (semi-analytically calculated) roughly by
the same amount as the primary (semi-empirically assigned) during
the period from infall to coalescence.

In the case of the baryonic (stars + cold gas) merger-mass ratio,
the fraction of haloes having mergers with µbar > 0.1 increases
relative to that based on stellar major mergers. This is because the
fraction of cold gas is significantly high for galaxies with low stellar
masses, especially at high redshifts. A significant fraction of mergers
with µ∗ < 0.1 are actually major baryonic mergers just because
the secondaries have larger cold gas fractions than the primaries.
Morphology-based techniques for estimating merger rates are more
sensitive to baryonic than to stellar mergers, and indeed they find
higher merger rates than with pair-based techniques (Lotz et al.
2011).

The shaded area in Fig. 1 encompasses the observed major-
merger fractions compiled by Hopkins et al. (2010a,b). Most of
the observational results do not have a well-defined mass selec-
tion and are based on different merger identification criteria. Very
roughly, the stellar mass of the primary galaxies covers a range
1010 − 2 × 1011 M# at low redshift, with a larger minimum mass
at high z. For measurements based on pair samples (pre-merger),
µ∗ ! 0.25, while for measurements based on morphology samples
(post-merger), µ∗ ! 0.1. The lower (upper) bound of the shaded re-
gion is dominated by the pair (morphology) samples, and therefore
reflects merger fractions with µ∗ ! 0.25 (µ∗ ! 0.1).

Fig. 1 shows that there is a reasonable agreement between pre-
dictions and observations.3 If we limit the mergers to µ∗(zend) >

3 We note that while our predictions refer to evolutionary tracks of individual
galaxies defined at z = 0, observations refer to samples above a constant M∗
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Figure 4. Top left: B/T distribution for galaxies with M∗ ≥ 109 M# in the combined MS sample (black histograms) and in the observational sample from
FD11 (blue symbols). Top right: the same as top left but for galaxies with M∗ ≥ 1010 M#; the galaxy samples from G09 and W+09 have been added to the
figure with red (star) and magenta (triangle) symbols, respectively. The latter is compared with the models only for B/T < 0.5. Errors in the number counts are
Poissonian and are marked with bars for the observational data and with shaded regions for the model predictions. Bottom left: the combined MS sample with
these different mass thresholds is divided in galaxies with a ‘classical bulge’, defined as those where the stars transferred from the primary contribute less than
50 per cent to the final bulge mass; the remaining galaxies are called ‘pseudo-bulges’ by extension. The panel shows the B/T distribution for classical bulges
with a solid (dashed) line for M∗ ≥ 109(1010) M#. The observational samples of G09 (red stars), FD11 (blue circles) and W+09 (magenta triangles) are also
shown. Bottom right: fraction of ‘bulgeless’ galaxies as a function of M∗, with ‘bulgeless’ defined as those galaxies with B/T < 0.1 (red), and these plus all
pseudo-bulges with B/T > 0.1 (black). The simulation data are shown with histograms and the observational data with stars and circles for G09 and FD11,
respectively.

Fig. 5 is another way of showing the predictions of our model.
Here we plot the fractions of galaxies in different M∗ bins divided
according to their B/T ratios: B/T < 0.1 (filled circles, red line),
0.1 ≤ B/T < 0.5 (stars, blue line) and B/T ≥ 0.5 (squares, black line).
Roughly, these three groups can be associated with irregulars (types
later than Sc), intermediate disc-dominated (Sa to Sc types) and
bulge-dominated (E/S0) galaxies, respectively. At M∗ < 1010 M#,
≈65 per cent of our model galaxies have B/T < 0.1, at M∗ ≈ 3–8 ×
1010 M# more than 50 per cent have 0.1 ≤ B/T < 0.5, while at M∗ >

1011 M#, galaxies with B/T ≥ 0.5 dominate. These predictions are
roughly consistent with estimates of the local morphological mix.
The predicted mass fractions of stars contained in discs (M∗ >

109 M#) are 57 per cent and the rest are in spheroids, consistent
with observations. The fraction of stars in galaxies with B/T ≤ 0.1
is ≈15 per cent, while the fraction of stars (both in the disc and in
the spheroid) in galaxies with B/T > 0.5 (spheroid-dominated) is
≈58 per cent.

3.2.4 Comparison with observations: bulge composition

We study the fraction of galaxies whose bulges were assembled
mostly by stars from the secondaries (contributing to the bulge
mass fraction by more than 50 per cent). This fraction as a func-
tion of B/T is shown in the bottom left panel of Fig. 4 (solid and
dashed lines for M∗ > 109 M# and >1010 M#, respectively). Be-
cause this channel of bulge growth is dominant when stellar major
mergers dominate the bulge mass assembly (see right-hand panels
of Fig. 3), we will nominally refer to these bulges as classical-like
(CL). In contrast, those bulges where more than 50 per cent of their
stars come from the primary will be nominally defined as pseudo-
like (PL) bulges. Notice that this division is well motivated: classical
(pseudo) bulges are thought to be formed by major mergers (disc
secular evolution/minor mergers). Thus, one expects that classical
(pseudo) bulges are dominated by stars acquired from the secon-
daries (primary discs). Moreover, the kinematics of the bulge stars,

C© 2012 The Authors, MNRAS 427, 1503–1516
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Figure 3. Left-hand panels: bulge-to-total stellar mass ratio as a function of M∗(z = 0). Middle panels: fraction of the final stellar bulge mass assembled by
the three mechanisms of bulge growth in a merger: stars formed in starbursts (blue), stars transferred from the primary disc (red) and stars from the secondary
(orange). Right-hand panels: comparison between the fraction of stars in the primary, f

pri
∗ , that are transferred to the bulge and the fraction of stars that are

added via the merger of the secondary, f
pri
∗ ; the one-to-one relation between these fractions is shown as a dotted line. These fractions are relative to the mass

of the primary just before final coalescence. In all panels, the symbols and solid lines are the median values and the shaded areas contain the ±σ regions of the
distribution. Circles (stars) and dotted (full) line patterns are for the MS-I (MS-II). In the right-hand panels, the sample of galaxies was divided into two mass
ranges: M∗ < 1010 M" (MS-II data only) and M∗ > 1011 M" (MS-I data only). Galaxies were seeded at zseed = 3 and only mergers with µhalo > 0.1 have
been included. The upper row is for the case where the fraction of gas and stars in the secondary is the same at the time of final coalescence as it was when
the halo merger started, whereas the lower row is for a model where the gas and stars in the secondary evolve through SF and supernova (SN) feedback after
the halo merger starts (Appendix A3). Observational data for two galaxy samples with M∗ ≥ 1010 M" from G09 and FD11 have been added to the left-hand
panel with red circles and blue squares, respectively. The median of the distribution for the galaxy samples is shown with solid lines.

at the time of coalescence relative to the start of the merger, making
the contribution from stars in the secondaries to the bulge growth
much more significant (orange region, middle panels of Fig. 3).
Galaxy outflows from SN feedback attenuate slightly this effect by
removing gas from low-mass secondaries. On the other hand, the
other two mechanisms (b) and (c) are diminished because µeff ∼
µbar is reduced due to the loss of gas (compare right-hand panels of
Fig. 3).

Bulge stars formed in merger-induced starbursts contribute on
average less than ∼5 per cent to the total masses of present-day
bulges, the largest contribution being in galaxies with masses M∗ ≈
2 × 1010 M". H09a and Hopkins et al. (2010a) report a larger
contribution, particularly for low-mass galaxies, reaching ∼40 per
cent (see fig. 14 of Hopkins et al. 2010a). This difference is partly
caused by the model in Hopkins et al. (2010a) being closer to our
previous model where the gas fractions are not allowed to decrease
while the satellite merges. Moreover, we also speculate that an ad-
ditional cause of the discrepancy is the different treatment of the
extrapolation of the gas fraction f g = Mg/M∗ to lower masses and
higher redshifts: we have put an upper limit on f g based on the

maximum observed value in the compilation of observations given
by Stewart et al. (2009): fg ≤ 100, whereas Hopkins et al. (2010a)
use a less restrictive limit (see Appendix A1). We found that the
latter case indeed creates a larger contribution from starbursts in
low-mass galaxies, although not to the level reported in Hopkins
et al. (2010a). It also creates more destructive mergers (more mas-
sive bulges), simply because there is more SF prior to the final
coalescence. Because of this, it is hard to increase the contribution
from starbursts while at the same time keeping the B/T distribution
consistent with observations.

In spite of the fact that the contribution of stars from the sec-
ondaries is increased compared to the case of no satellite evolu-
tion, the contribution from stars violently relaxed in the primary
continues to be dominant for M∗ ! 1011 M". For M∗ ≈ 109,
3 × 1010 and 1011 M", on average 60 per cent, 55 per cent and
45 per cent of the final bulge mass was accreted through this chan-
nel, respectively. This implies that the smaller the galaxy, the more
their bulges share properties of their stellar population with their
discs. Notice that this is an important result since it suggests that
bulge growth due to secular evolution and that induced by mergers

C© 2012 The Authors, MNRAS 427, 1503–1516
Monthly Notices of the Royal Astronomical Society C© 2012 RAS

 at Universidad Nacional AutÃ³noma de M
Ã©xico on M

arch 20, 2013
http://mnras.oxfordjournals.org/

Downloaded from 

B/T vs Ms
Fraction of mass due to the 3 

bulge-growth mechanisms

a) from satellites

b) stars from the primary

c) from central starbursts

•Bulges are composite: they grow up with stars from the secondaries 
(classical), from the primary disk (pseudo), and from local starbursts. 
The former one dominates only in the most massive gal’s

IFS may help to constrain the kinematics of the bulge-inner disk 
regions + the stellar pop’s --> constraints to bulge formation  



No. 2, 2009 CDM SUBSTRUCTURE AND GALACTIC DISKS. II. 1903

Figure 3. Density maps illustrating the global morphological evolution of the disk in galaxy model D1 subject to a typical ΛCDM-motivated accretion history expected
for a Galaxy-sized dark matter halo since z ∼ 1. Particles are color-coded on a logarithmic scale with brighter colors indicating regions of higher stellar density. Local
density is calculated using an SPH smoothing kernel of 32 particles. The face-on (bottom panels) and edge-on (upper panels) distributions of disk stars are shown in
each frame and to aid comparison the first panel also includes the edge-on view of the initial disk. The labels for individual satellite passages from S1 to S6 and the
time corresponding to each snapshot are indicated in the upper left-hand and lower right-hand corners of each bottom panel. Results are presented after centering the
disk to its center of mass and rotating it to a new coordinate frame defined by the three principal axes of the total disk inertia tensor. The first satellite passage generates
a conspicuous warp while the second encounter, which involves the most massive subhalo S2, causes substantial thickening of the disk and excites a moderately strong
bar and extended ring-like features in the outskirts of the disk. Accretion histories of the kind expected in ΛCDM models play a substantial role in setting the global
structure of galactic disks and driving their morphological evolution.
(A color version of this figure is available in the online journal.)

(see Section 3.6). Introducing the new coordinate frame is
important because in the original coordinate frame, rotation of
stars in a tilted disk would appear as vertical motion interfering
with the interpretation of the results. Second, the masses of the
simulated satellites are a substantial fraction of the disk mass. As
a result, the disk center of mass may drift from its initial position
at the origin of the coordinate frame due to the encounters with
the infalling subhalos.

3. RESULTS: DYNAMICAL SIGNATURES OF
HIERARCHICAL SATELLITE ACCRETION

In this section, we examine the response of the thin, disk
galaxy model D1 to interactions with cosmological subhalos
S1–S6 of host halo G1, which are designed to mimic a typical
central accretion history for a Galaxy-sized CDM halo over the
past ∼ 8 Gyr. While our simulation program focuses on halo
G1, the similarity of subhalo populations in all four Galaxy-
sized host halos suggests that the results presented next should
be regarded as fairly general.

The “final” disk discussed in the next sections has experienced
the S1–S6 encounters and was further evolved in isolation for
∼ 4.3 Gyr after the last interaction, so that the disk evolution
is followed from z = 1 to z = 0. The focus of this study is

exclusively on the evolution of the disk material, so we do not
consider the bulge component in any of the analysis presented
below. We discuss in turn disk global morphology, thickening,
velocity structure, surface density, lopsidedness, and tilting.

3.1. Global Disk Morphology

Figure 3 illustrates the global response of the disk to the
infalling subhalos. The encounter with the first substructure (S1)
generates a conspicuous warp beyond ∼ 12 kpc. The impact of
the second most massive satellite (S2) has a dramatic effect
on the global disk structure. The entire disk visually becomes
considerably thicker compared to the initial model after this
accretion event. In addition, this interaction excites extended
ring-like features in the outskirts of the disk and a moderately
strong bar (Paper I), both of which indicate that the axisymmetry
of the initial disk is destroyed as a result of the first two accretion
events. We stress that the bar is induced in response to the
subhalo passages, not by amplified noise. It has a semimajor
axis varying between ∼ 3 and 4 kpc, within the range of values
inferred for the bar in the MW (e.g., Bissantz & Gerhard 2002).
Throughout its evolution the bar fails to form a boxy bulge and
remains rather thin. We note that we evolved the disk galaxy in
isolation for ∼ 5 Gyr after the encounter with S1 and verified

Effects of dark matter subhalo accretion on the disk galaxies
(Kazantzidis+08,09)

Several subhalo passages/infalls since z=1: non-axisymmetric structures (warps, outer rings), 
bar, vertical thickening and heating, flares, lopsidness, filamentary structure in the disk seen in 

the configuration space.  IFS studies of close disk galaxies can be used to detect these features

12 KAZANTZIDIS ET AL.

FIG. 4.— Thin-thick disk decomposition analysis. Surface brightness profiles for disk stars as a function of distance above the plane of the disk, z. The stellar
distribution is observed edge-on and results are shown for both the initial (left panel) and final (right panel) disk. The final disk has experienced the S1-S6
encounters and was further evolved in isolation for ∼ 4 Gyr after the last interaction to ensure that is has reached a relaxed state. Different symbols correspond
to various projected radii, |R| = 0,4,6,9,12 kpc, averaged between the ±|R| projections about R = 0, and within 1 kpc strips centered on each of the projected
radii. The solid lines in the left panel present the analytic sech2 surface brightness profiles of the initial thin disk with zd = 0.4 kpc and demonstrate a very good
agreement with results obtained directly from the particle distribution. Solid lines in the right panel show a “thin-thick” disk decomposition for the final disk,
which consists of a “thick” disk component (dashed line) with a sech2 scale height of zthick = 1.6 kpc and a “thin” disk component (dotted lines) with a slightly
larger scale height (zthin = 0.6 kpc) compared to that of the initial thin disk. The surface brightness profile of the “thick” disk is nearly independent of projected
radius for R < 9 kpc explaining the existence of only one dashed line. At small projected radii (|R| ! 6 kpc), the contribution of the thin component to the light
profile of the stellar disk is dominant for heights z ! 1 kpc. As |R| increases, the situation is reversed with the thick disk component becoming prevalent. This
simple decomposition provides a reasonable description of the final disk for µ ! 27 mag arcsec−2 and |R| ! 9 kpc. At fainter magnitudes and beyond R∼ 9 kpc,
the flare and other diffuse structures become important and the adopted decomposition fails to provide an accurate description of the disk structure.

sociated with the strong flare seen in the final disk which will
be discussed in § 3.3. Second, the peak of the surface bright-
ness profiles which corresponds to the light distribution in the
disk plane (z = 0) drops systematically at all projected radii
compared to that of the initial disk. This is attributable to the
fact that stars are efficiently heated above the disk plane by
the merging subhalos. As a result of this, the number of stars
in the plane of the disk decreases with obvious consequences
for the surface brightness distribution.
As the projected radius increases, the height above the plane

of the disk at which the thick disk component dominates the
light profile becomes progressively smaller. This is because
the surface brightness distribution of the thin disk declines ex-
ponentially with R, while both the scale height, and the cen-
tral (projected) surface brightness of the edge-on thick disk
vary much more slowly with radius. At small projected radii
(|R|! 6 kpc) the thin disk component dominates for z! 1 kpc.
However, this picture is quickly reversed. For |R| = 9 kpc (tri-
angles) the thick disk dominates the light profile of the stellar
distribution for all heights above the disk plane. We note that
within 9 kpc, approximately∼ 17% of the final stellar mass is
contained in the thick disk component.
3.2. Morphological Signatures of Satellite-Disk Encounters
The results in the previous section demonstrate that in-

falling CDM substructures play a significant role in setting
the global morphology of a stellar disk. The face-on view

of the final disk in Figure 3 (middle and right panels) re-
veals that satellite accretion can also excite strong bars which
drive further evolution in the inner disk regions. The primary
disk galaxy model was constructed to be stable against the
formation of a bar. Thus, the observed bar growth should
be regarded as tidally induced by the infalling satellites. In-
terestingly, the edge-on view of the same panels shows the
generation of a characteristic “X” shape in the bright central
disk, a finding also reported in previous numerical studies of
satellite-disk encounters (Walker et al. 1996; Gauthier et al.
2006). This noticeable feature is often linked to secular evo-
lution of galaxies driven by the presence of a bar when it
buckles as a result of becoming unstable to bending modes
(e.g., Combes & Sanders 1981), and may be associated with
the presence of peanut-shaped bulges observed in many galax-
ies (e.g., Lütticke et al. 2000).
Moreover, while the bright “X”-shaped component is visi-

ble at high-surface brightness, many other interaction-driven
signatures appear as low-surface brightness features. The
deep view of the final edge-on disk in Figure 3 (right panel)
shows a number of additional filamentary structures at µ " 26
mag arcsec−2, and other complex configurations, that develop
above the disk plane. These structures bear some resemblance
to tidal streams, but are in fact disk stars that have been grav-
itationally excited by the subhalo impacts. The final face-on
disk in the same panel is also significantly more structured at
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FIG. 7.— Disk flaring. Scale height profiles, z(R), of the disk viewed edge-on as a function of projected radius in units of the disk radial scale length, Rd . The
scale height is defined to be the vertical distance from the disk plane where the surface brightness drops by 1 mag arcsec−2 from its maximum along the z = 0 disk
plane, µ(z) = µ0 + 1 where µ0 ≡ µ(z = 0). Surface brightnesses are averaged about the z = 0 and R = 0 planes and all profiles are normalized to the initial disk
scale height, zd . Left: Scale height profiles for the initial (thin lines) and final (thick lines) disk. Solid lines show results obtained using the above definition of
scale height, while dotted lines correspond to scale heights defined to be the vertical position above z = 0 where the edge-on surface brightness falls off from the
central value by 2 mag arcsec−2. The initial disk is constructed with a constant scale height explaining why the corresponding curves are flat. The vertical dotted
line indicates the location of the solar radius, R!. A conspicuous flare is evident in the final disk beyond ∼ 2 − 3Rd as a result of the gravitational interaction
with CDM substructure. Right: Evolution of the scale height profile of the disk. Various lines correspond to different satellite passages from S1 to S6 and scale
heights are measured using the standard definition, µ(z) = µ0 + 1. The encounters with the first two satellites give rise to a distinct flare in the outskirts of the
disk. The combined effect of the remaining satellite passages (S3-S6) is much less dramatic indicating that the second, most massive encounter is responsible for
setting the global disk structure. The inner disk appears much less susceptible to damage by the infalling subhalos owing to its large binding energy and presence
of sinks of the orbital energy of satellites, such as the bulge component.

of the disk is much less dramatic increasing the scale height
only slightly compared to passage S2. This finding suggests
that subsequent accretion events by already thickened disks
induce much smaller changes in the disk scale height com-
pared to the initial encounters. This effect was also noted pre-
viously by Quinn et al. (1993) using numerical simulations in
which halos were treated as rigid potentials. In broad terms,
the dynamical and morphological evolution of a galactic disk
subject to a cosmologically-motivated subhalo merger history
are driven by the most massive accretion event.
Given the fact that the self-gravity of the disk grows weaker

as a function of distance from the center, it is not unexpected
that the scale height of the final disk should increase with ra-
dius. In the thin disk approximation, we may consider the to-
tal vertical energy per unit area of the disk, ez = tz +wdd +wds,
where tz is the disk vertical kinetic energy, and wdd and
wds are the disk potential energy densities associated with
the disk self-gravity and disk-spheroid gravity, respectively
(Toth & Ostriker 1992; Benson et al. 2004). In this formu-
lation it is implicitly assumed that the spheroid includes the
dark matter halo and any bulge component. For a thin disk of
varying scale height, z(R), we expect

wdd =GαΣ
2
d(R)z(R) (4)

wds =Gβ Σd(R) ρ̄s(R)z2(R). (5)
Here, ρ̄s(R) is the spheroid mass density averaged over the
disk scale height at radius R and Σd(R) is the projected disk

surface density. The constantsα and β are geometrical factors
of order unity that will depend on the profile shapes of the disk
and spheroid components, respectively.
Now consider the impact of a dark subhalo with the disk.

Some fraction of the orbital energy of the satellite (∼MsubV 2sat,
whereVsat is the orbital velocity), will be delivered as vertical
kinetic energy to the disk. The disk will virialize on a dy-
namical timescale such that tz " 0.5wdd +wds (Toth & Ostriker
1992). When a subhalo passes through the disk, it fre-
quently triggers global modes (e.g., spiral arms, warps, bars)
which can be very efficient in redistributing its orbital energy
throughout the disk (Sellwood et al. 1998). Moreover, if the
infalling satellites are extended, like in the case of our sim-
ulations, most disk stars will also directly receive kinetic en-
ergy during the interaction. Both facts suggest that the orbital
energy of an accreting subhalo will not be deposited locally
at the point of impact as it was assumed by Toth & Ostriker
(1992), but rather globally across the entire disk.
The simplest assumption for energy deposition is that it is

roughly constant in radius such that ez(R)→ ez(R)+∆ez, with
∆ez nearly independent of R. Moreover, due to the fact that
rotational energy dominates over randommotions in the plane
of the disk, the predominant heating will be in the vertical
direction. In this limit we can assume that the projected ra-
dial profiles of the disk and spheroid remain unchanged. The
global change in vertical energy will demand that the scale



Concluding remarks
•The current LCDM-based models make concrete predictions for the 
scaling relations of disk galaxies. IFS surveys can test these predictions.

•The well constrained Ms-Mh (Mb-Mh) relation mapped onto the 
internal properties of disk galaxies, which can be obtained by means of 
IFS, allows to probe the LCDM model.

• The semi-empirical picture shows strong downsizing in SSFR for low-
mass galaxies (the smaller they are, the later they assemble). 
Numerical simulations cannot reproduce that. Is it a problem with 
interpreting the observations or new gastrophysics should be 
introduced?  IFS studies of the SPop’s of galaxies may help to find the 
answer.

• Merger-driven bulge formation in the LCDM is in agreement with 
observations. However, the kinematical/stellar pop nature of the bulges 
should be yet understood (classical, pseudo, composite).


